The composition of a planet's atmosphere is determined by its formation, evolution, and present-day insolation. A planet's spectrum therefore may hold clues on its origins. We present a "chain" of models, linking the formation of a planet to its observable present-day spectrum. The chain links include (1) the planet's formation and migration, (2) its long-term thermodynamic evolution, (3) a variety of disk chemistry models, (4) a non-gray atmospheric model, and (5) a radiometric model to obtain simulated spectroscopic observations with JWST and ARIEL. In our standard chemistry model the inner disk is depleted in refractory carbon as in the Solar System and in white dwarfs polluted by extrasolar planetesimals. Our main findings are: (1) Envelope enrichment by planetesimal impacts during formation dominates the final planetary atmospheric composition of hot Jupiters. We investigate two, under this finding, prototypical formation pathways: a formation inside or outside the water iceline, called "dry" and "wet" planets, respectively. (2) Both the "dry" and "wet" planets are oxygen-rich (C/O<1) due to the oxygen-rich nature of the solid building blocks. The "dry" planet's C/O ratio is <0.2 for standard carbon depletion, while the "wet" planet has typical C/O values between 0.1 and 0.5 depending mainly on the clathrate formation efficiency. Only non-standard disk chemistries without carbon depletion lead to carbon-rich C/O ratios >1 for the "dry" planet. (3) While we consistently find C/O ratios <1, they still vary significantly. To link a formation history to a specific C/O, a better understanding of the disk chemistry is thus needed.
1. INTRODUCTION One of the most fascinating aspects of the recent observational progress in exoplanet science are the first spectra of planets around other stars. Spectra probe the atmosphere which is a window into the composition of a planet. This composition, in turn, may give critical insights into the formation and migration history of the planet. A planet's composition depends on the composition of the host star, the structure and chemistry of the protoplanetary disk, the locations where the planet accreted, the composition of the accreted gas and solids, the properties (size, strength) of the accreted bodies like planetesimals or pebbles, the mixing or separation of the different materials inside the planet, the interaction and exchange between the interior and the atmosphere, the stellar radiation field, etc. Therefore, each formation track of a planet will leave -potentially in a convoluted way -an imprint in the atmospheric composition. This means that atmospheric spectra might contain a multitude of clues to planetary formation that cannot be provided by other observational techniques.
For the Solar System planets atmospheric observations show that Jupiter is enriched in carbon by about a factor four relative to the sun, Saturn by a factor ∼10, while Uranus and Neptune are enriched by a factor ∼90 (Guillot & Gautier 2014) . This trend of decreasing enrichment with increasing mass was recently found to apply also to WASP-43b (Kreidberg et al. 2014) . For the core accretion formation model (e.g., Alibert et al. 2005 ) such a trend is a natural prediction (for a quantification, see Mordasini et al. 2014 ), but not necessarily for the competing direct collapse model. Thus, spectra can help to distinguish formation models of the Solar System.
Regarding exoplanets, the atmospheric composition may in particular also give clues on the formation of hot Jupiters, which are currently the best characterized class of exoplanets. The discovery of a Jovian planet at an orbital distance of only 0.05 AU from its star by Mayor & Queloz (1995) was a surprise. Theoretical planet formation models had rather predicted (e.g., Boss 1995) that giant planets should be found several AU away. The mechanism that was underestimated was orbital migration (Goldreich & Tremaine 1980) . As a reaction, orbital migration due to gravitational interaction with the protoplanetary gas disk was included in planet formation theory as a key mechanism (e.g., Lin et al. 1996) . Disk migration predicts that planetary orbits are coplanar with the stellar equatorial plane (but see also Batygin 2012) . The subsequent discovery of highly inclined or even retrograde hot Jupiters has therefore again challenged theory (e.g., Winn et al. 2010) . Alternative scenarios bringing giant planets close to the host star were developed. The most important scenarios are planetplanet scattering in unstable systems of planets and Kozai migration due to the presence of an outer perturber (e.g. Triaud et al. 2010) . These mechanism take place after the dispersal of the protoplanetary disk and can lead to highly inclined planets. To date, it is debated if disk migration or scattering/Kozai is the dominant mechanism leading to close-in planets (e.g., Crida & Batygin 2014 ).
An interesting novel approach of constraining which migration processes acted on the planet during or after its formation is to evaluate whether the formation process, chiefly the planet's location(s) in the disk during its formation, leaves an observable spectral signature. If one could, e.g., deduce from the spectrum that a hot Jupiter has accreted exclusively outside the water iceline, this would make disk migration through the inner part of the disk unlikely as the processes that brought this planet close to the star.
The reason is that the planet would accrete matter while mi-grating through the inner disk (Fogg & Nelson 2007) . Apart from being able to constrain possible migration scenarios a successful link between a planet's formation and its spectrum would be very interesting on its own, providing a historical record of the formation of individual planets. The first attempts to link the planetary formation process to exoplanetary compositions have in part been sparked by a retrieval analysis which suggested that WASP-12b, a hot Jupiter around a G0 main-sequence star, is carbon-rich 4 with C/O 1 (Madhusudhan et al. 2011) . Further claims of a C/O>1, and a corresponding carbon rich chemistry including absorbers such as HCN and C 2 H 2 , have been made by Stevenson et al. (2014) . Both of these assessments rely on Spitzer eclipse photometry, impeding the conclusive detection of a carbon-bearing molecule in the atmosphere of this planet thus far. Studies contesting the claim of a carbon-rich WASP-12b include Crossfield et al. (2012) ; Swain et al. (2013) ; Line et al. (2014) ; Benneke (2015) ; Kreidberg et al. (2015) . In these studies the retrieved C/O ratio may reach super-solar ( 0.56) values, but the (7 σ) detection of H 2 O firmly rules out an atmosphere with a carbon-rich chemistry (C/O>1), if equilibrium chemistry is assumed (Kreidberg et al. 2015; Benneke 2015) . As stated in Stevenson et al. (2014) , an oxygen-rich atmosphere would require unrealistically large CO 2 abundances to fit the planet's photometric emission data. In this case higher SNR dayside emission spectroscopy may resolve these inconsistencies. Even though the data quality thus can currently still inhibits conclusive statements about atmospheric compositions, the question of how the formation process constrains the planetary composition is interesting and should be studied in any case for the reasons outlined above.
It is important to note that the existing studies attempting to link planetary formation and composition can be divided into two classes: in the first class the planetary formation process itself is included in the analysis. In the second class the planet formation process is not modeled. Here the disk gas and solid composition as a function of time and location in the disk is investigated and the results are used to infer the composition of gaseous planets forming at this location and time. In this second class planets with C/O > 1 may only be formed if the planet's metal enrichment is dominated by the accreted gas.
In the study presented here we will show that planets formed under the core accretion paradigm, with masses typical of hot Jupiters and below, have an enrichment dominated by planetesimal accretion. We show this by explicitly modeling the planetary formation process and the planetesimal accretion process. We further show that this trend predicted by core accretion agrees well with measurements of the bulk and atmospheric abundances of exoplanets and Solar System planets.
The studies which exist to this day include Mousis et al. (2009b,a) ; Öberg et al. (2011); Ali-Dib et al. (2014) ; Thiabaud et al. (2014) ; Helling et al. (2014) ; Marboeuf et al. (2014b,a) ; Madhusudhan et al. (2014) ; Thiabaud et al. (2015) ; Cridland et al. (2016) . These studies vary widely in their scopes:
In the context of Jupiter and Saturn, Mousis et al. (2009b) combine the planet formation model of Alibert et al. (2005) with a model for the formation of clathrates and pure condensates. They assume that the observed atmospheric enrichment in volatiles originates from the vaporization of icy planetes-imals entering the envelopes of the growing planets. They show that for Jupiter this leads to an enrichment of both the atmosphere and interior that is in agreement with observations. Their results indicate that large amounts of icy solids have been incorporated into Jupiter's and Saturn's envelope.
In the context of exoplanets, Öberg et al. (2011) constrain possible planetary C/O ratios based on the disk volatile ice lines but do not model the planet formation process. In this work the possibility of planets with C/O →1 may only arise for planets which have their enrichment dominated by gas accretion and only if they form between the CO 2 and CO icelines. Helling et al. (2014) carry out a more detailed analysis of the volatile components within a pre-stellar core and protoplanetary disk, modeling the volatile gas and ice abundances as a function of time in static core and disk models. They also model how cloud formation ensues in planetary atmospheres of various abundances and C/O ratios, but do not model the formation of the planets in the disk. Similar toÖberg et al.
(2011) they find that super-stellar C/O ratios (but 1) in the disk gas are possible, mainly between the CO 2 and CO icelines.
The first studies to more self-consistently link the planet formation process to the final elemental abundances within the planet in the context of exoplanets were performed by Thiabaud et al. (2014) ; Marboeuf et al. (2014b,a) and Thiabaud et al. (2015) . They modeled planetesimal formation by assuming refractory and volatile condensation in an initial protoplanetary disk, and then let the gas disk evolve viscously while modeling the planet formation via the core accretion paradigm. Thiabaud et al. (2015) find that the gas giants forming in their models have low C/O ratios 5 unless there is a lack of mixing between the envelope and the accreted solids. They also find that if icy planetesimals fully sublimate into the planets' gaseous envelope, then their effect on the planetary C/O ratio is dominant compared to the contribution of the accreted gas. Madhusudhan et al. (2014) use a simplified description of a planetary population synthesis forming 1 M Jup planets by both core accretion and gravitational instability with final semimajor axes of 0.1 AU. They study whether migration mechanisms might be constrained by the resulting planetary compositions. Disk migration and disk-free migration processes for a planet forming within a viscously evolving disk are treated, keeping track of the matter accreted at various orbital distances in both planetesimal (rocky and/or icy) and gaseous form (including volatiles). Only type II disk migration is modeled and the growth of the planet before opening the gap in type II migration is neglected. This could be a non-trivial assumption, as the planets are possibly strongly enriched before opening of the gap and prior to runaway gas accretion . Therefore, planets in this study which form via core accretion, but have a sub-stellar enrichment, are likely caused by the lack of modeling the planet's formation before the type II migration sets in. Furthermore, rapid type I migration could result in a strong enrichment which originates farther outside in the disk where different planetesimal and gas compositions are likely present. Madhusudhan et al. (2014) consider two different compositional models for the volatiles and refractory disk, one including carbon grains based on protoplanetary disk observations and one without carbon grains. They find that planets which formed in the outer regions of the disk may have sub-stellar C and O abundances if the planets are dominated by gas enrichment and C/O ratios ranging from stellar to super-stellar values. This class of planets, if found close to its star at 0.1 AU must therefore have moved in after disk dispersal, suggesting a disk-free migration mechanism. Planets which formed in the inner regions of the disk are found to have super-stellar C and O abundances and stellar and sub-stellar C/O ratios.
In the work presented here we take the previous approaches a step further and directly investigate whether the formation process leaves visible imprints in the planetary spectra and whether these can be used to constrain planetary formation and migration theory. This is achieved by constructing a "chain" of models directly linking the formation, evolution, and present-day spectral appearance of the planets, where the output of one chain link serves self-consistently as input for the next one. With this "chain" we furthermore want to study the range of resulting planetary C/O ratios.
There are five chain links in our model: In the first chain link we fully model the planet's formation via core accretion in a gas and planetesimal disk, yielding the planetary core and envelope masses. The viscous evolution of the disk is modeled as well as type I and II disk migration. The fate of planetesimals during infall into the protoplanet is also directly treated, so that it is known which solids enrich the H/He envelope, and which ones reach the solid core. In the second chain link, after the planet has formed, we evolve it to 5 Gyr using a planet evolution model that describes the thermodynamic evolution with the initial conditions given by the formation model. We solve the planetary structure equations including atmospheric escape and using a double-gray atmospheric model with appropriately scaled solar opacities given the envelope's bulk enrichment from formation.
As the composition of volatiles and refractories in the disk in-and outside of the iceline is currently not well understood, the planetary formation model merely tracks the mass fractions of accreted volatiles and refractories. Then, at 5 Gyr, in the third chain link, a chemistry model translates these bulk compositions yielded by the formation model into elemental abundances in the planet's atmosphere. Combining various volatile and refractory compositional models and turning on or off effects such as clathrate formation or volatile flushing inside of icelines we have 152 different compositional models outside of the iceline and 54 inside. In the fourth chain link we use the planetary elemental abundances from the chemistry model and the radius and luminosity from the evolutionary model to calculate the planet's emission and transmission spectra with self-consistent non-gray atmospheric models. Finally, in the fifth chain link we use the spectra to simulate secondary eclipse observations with the JWST and ARIEL using the EclipseSim package to see whether the different spectral imprints can be distinguished.
With this linked approach, we want to make the aforementioned earlier predictions regarding the imprint of formation on the planetary composition and its expression in spectra more comprehensive and coherent and take a step towards exoplanetology which will be at the focus of upcoming observational studies on extrasolar planets. To demonstrate this we apply our chain model to the example of two prototypical planets that eventually become hot Jupiters. First, a "dry Jupiter", a Jovian-mass planet that forms exclusively inside of the water iceline and migrates close to its host star by disk migration. Second, a "wet Saturn", a Saturnian-mass planet that forms fully outside of the water iceline, and gets to its final positions close to the host star by a dynamical interaction like planet-planet scattering or Kozai mechanism. As we find that the enrichment of planets with masses typical for hot Jupiter and below is dominated by planetesimal accretion it is important to study the two under this result fundamentally different, and prototypical, cases of how a planet's enrichment can vary as a function of the planet's formation location. This lead to the choice of looking at the "dry" and "wet" planet. We find that for some assumptions for the disk chemistry, clear imprints on the spectra exist, while for others, it is difficult to distinguish the formation histories.
We introduce our model in Section 2 and show our calculations and results in Section 3. A discussion and summary can be found in Section 4.
METHODS
In this section we describe the methods used to model the connection between the formation history of a planet and its present day atmospheric spectrum with a chain of linked models as outlined briefly in Section 1. The five chain links (formation, evolution, abundances, spectra, observations), their sequential relation and their various submodules and processes are summarized in Figure 1 . Further details on the submodules and processes are given in the appendices and will be referenced throughout this section.
Formation model
Acting as the first chain link, our global planet formation model that describes the planet's accretion is based on the core accretion paradigm (Perri & Cameron 1974; Mizuno et al. 1978 ) coupled self-consistently to disk evolution (LyndenBell & Pringle 1974) and orbital migration (Lin & Papaloizou 1986) . The model has been described in detail in several previous works (Alibert et al. 2004 , 2005 , Mordasini et al. 2012c ) with a recent overview in Mordasini et al. (2015) . Therefore, we only give a short summary here. The following four elements of the formation model are particularly important for the current work:
The temporal evolution of the protoplanetary gas disk is described with a 1+1D (vertical and radial) viscous disk model. Our model includes the effects of turbulent viscosity in the α-approximation, photoevaporation by the star and from external sources, and mass accretion onto the planet. Further information on the gas disk evolution can be found in Appendix A.1.1. The model for the disk of planetesimals is very simple. It is assumed that very early in the evolution of the disk, planetesimals form quickly and rapidly grow to a size of 100 km, for example due to gravoturbulent formation (Johansen et al. 2007; Cuzzi et al. 2008; Johansen et al. 2011) . At this size, they interact only weakly with the disk gas, and do not significantly migrate radially. The surface density of planetesimals evolves only due to accretion and ejection of planetesimals by the protoplanet. The initial radial profile of the solids is given by the initial surface density profile of the gas multiplied by a factor 0.04 × 10 [Fe/H] where [Fe/H] is the stellar metallicity, an initial condition of the model. We put 0.04 here instead of Z ∼ 0.015 as the inner parts of a disk where planets form are typically enriched in solids when compared to the outer regions of the disk due to dust drift (Rózyczka et al. 2004 iceline is also taken into account (see Mordasini et al. 2009 ). The position of the water iceline is calculated as the distance where the temperature drops below 180 K in the initial disk structure. It is clear that the concept of an "initial" disk profile is ill defined, since the disk gradually forms as a byproduct of the formation of the star, and this can lead to a significant radial movement of the iceline (e.g. Min et al. 2011) . However, for the results of this study, the precise location of the iceline is not critical: We will concentrate on two planets having formed either significantly in-or outside the iceline for our results in Section 3, so the most important assumption simply is that the planets do not cross the iceline during their formation.
2.1.2. Accretion of the solid core and of the gaseous envelope The protoplanet's solid accretion rate is obtained with a Safronov-type rate equation, considering its gravitationally enhanced cross-section, as described in Pollack et al. (1996) . As mentioned in Section 2.1.1 above, the surface density of planetesimals is coupled to the accretion of planetesimals by the planet. The decreasing amount of planetesimals increases the growth time scale of the protoplanetary core over time and eventually leads to an end of planetesimal accretion. We give more information on the modeling of the planetesimal accretion in Appendix A.1.2.
The accretion rate of gas is found by solving a slightly simplified set of internal structure equations of the planet's 1D radial structure in the quasi-hydrostatic approximation (Bodenheimer & Pollack 1986 ). In the first accretion phase the planet is still attached to the disk nebula, and the planet's accretion rate is regulated by the envelope's Kelvin-Helmholtz contraction. Once the gas accretion rate given by the planet's contraction increases over the disk's ability to deliver gas to the planet (runaway gas accretion), the planet detaches from the disk and contracts quickly. In this phase the planet's accretion rate is solely determined by the disk's ability to deliver gas to the planet (Tanigawa & Tanaka 2016) . We assume that the accretion shock radiates away all gravitational potential energy freed during the gas infall onto the planet, producing low entropy, so-called "cold start" planets (Marley et al. 2007 ). The post-formation Kelvin-Helmholtz timescales of the rather low-mass planets we consider are still relatively short, therefore this assumption is irrelevant for the planet's structure at a Gyr-age, which is the age for which we calculate the planetary spectra later. More details on how we model the planet's gas accretion and on the equations we solve in this process can be found in Appendix A.1.2.
Planetesimal-protoplanet interaction: envelope enrichment
An element of the formation model that is particularly important in this work is the model for the interaction of the planetesimals with the protoplanet's gaseous envelope when a planetesimal is accreted. It yields the fraction of the mass of an impacting planetesimal that is deposited in the envelope, enriching the gas in heavy elements (Podolak et al. 1988; Mordasini et al. 2006) . Any planetesimal material surviving the flight through the envelope is added to the central solid core. The deposition of planetesimal material in the envelope is key for the resulting chemical composition of planets (Mousis et al. 2009b; Fortney et al. 2013) , including the Jovian-and Saturnian-mass planets studied below. For very massive giant planets, the composition of the gas becomes important, too Mordasini et al. 2014) . This is further discussed in Sect. 2.4.
The impact model determines the radial mass deposition profile by numerically integrating the trajectory of a planetesimal of initial mass M pl during its flight through the protoplanetary envelope under the actions of gravity, gas drag, thermal ablation, and aerodynamical disruption. The equations we solve for this and the parameters we use are described in Appendix A.1.3. An important parameter for the outcome of a planetesimal's infall into the protoplanetary envelope is the initial size of the planetesimal. For 100 km sized planetesimals as assumed in this work, we found in population syntheses (see Fortney et al. 2013 ) that giant planets contain solid cores with masses between 6 and 12 M ⊕ at the end of the formation phase. The two planets studied in this work have for comparison core masses of 7.3 and 7.9 M ⊕ (Sect. 3.1.1). For 1 km planetesimals, the core masses of the giant planets are reduced to about 1.2 to 3.5 M ⊕ . Additional planetesimals that are accreted are instead enriching the H/He envelope. These masses are a consequence of a self-shielding of growing cores against planetesimal impacts (Mordasini et al. 2006) : in general, the more massive a core becomes, the higher also the mass of its surrounding H/He envelope. This envelope increasingly shields the core against further direct impacts of larger and larger planetesimals. This causes an auto-regulation of the maximal core mass of gaseous planets originating from direct impacts of planetesimals. It is however possible that the core mass gets altered during the formation and evolution phase because of sedimentation of ablated material or core dissolution (e.g., Stevenson 1982) . These processes are currently neglected in our model.
Note the following inconsistency in our current model: while we keep track of the radial mass deposition and resulting envelope enrichment, we computationally nevertheless add all accreted planetesimal mass to the (computational) core, as our model is currently not able to handle a compositionally varying equation of state (EOS). Computationally, the planet therefore consists of a solid core surrounded by a pure H+He envelope that is described with the EOS of Saumon et al. (1995) . This should be critically kept in mind, since the very strong enrichment that occurs during the formation of the planets as found below is known to lower the critical core mass (Hori & Ikoma 2011) . We currently work on including the actual envelope composition in the formation and evolution model (Venturini et al. 2015) .
Orbital migration
Several processes can lead to a radial displacement of a planet, like the interaction with the disk of planetesimals (e.g. Levison et al. 2010) or with other protoplanets (e.g. Ford & Rasio 2006) , Kozai migration (e.g. Fabrycky & Tremaine 2007) , or classical disk migration due to the exchange of angular momentum with the gaseous disk (e.g. Lin & Papaloizou 1986 ). The only process that is explicitly modeled in this work is classical disk migration. Disk migration occurs in two regimes. At low masses, planets undergo type I migration (Tanaka et al. 2002) . In contrast to the original work of Tanaka et al. (2002) for isothermal disks we use a significantly revised version of type I disk migration (Baruteau et al. 2014) . In this description the actual direction of migration for realistic disk thermodynamics can also be directed outwards. A detailed description of our non-isothermal migration model is given in Dittkrist et al. (2014) .
Once a planet becomes sufficiently massive to open up a gap in the gaseous disk (of order 100 M ⊕ ), it passes into type II migration. We use the transition criterion of Crida et al. (2006) to determine a planet's migration regime. The equations we solve for modeling type I and type II migration are described in Appendix A.1.4.
We note that the concurrent formation of several protoplanets can modify the migration behavior of individual planets. In this work, we study the formation of only one planet per disk since we focus on the link of formation and resulting spectra for two prototypical cases. The consequences of the formation of several planets are discussed in Alibert et al. (2013) , while the impact on the composition is discussed in Thiabaud et al. (2014 Thiabaud et al. ( , 2015 and Marboeuf et al. (2014b,a) .
For planets forming completely outside the iceline, but which still end up close to their stars as hot Jupiters, we assume that the planet is brought close to the star by a fewbody interaction (planet-planet scattering, Kozai migration) and tidally circularized at 0.04 AU. This process is not actually modeled. The details of this process are not important for our conclusions as long as the interaction occurs at a sufficiently early time (which is likely, Malmberg et al. 2011) , and without accretion of significant amounts of material (planetesimals, other protoplanets) that has formed inside of the water ice line. The results of Matsumura et al. (2013) and Mustill et al. (2015) indicate that this is a good approximation.
Planet evolution model
Once the protoplanetary gas disk has dispersed or the planet has migrated to the inner border of the (computational) disk, the evolutionary phase starts, modeled by our second chain link. In this phase, no accretion of gas and planetesimals occurs anymore. Nonetheless, the mass of the planet can still change due to atmospheric escape. For the calculation of the final observable we are interested in in this paper (the planetary spectra), the calculations in this chain link yield the planet's radius, mass, and internal temperature (or luminosity) at an age of 5 Gyr. In this phase, a temporal evolution of the composition of the atmosphere could also occur, but this effect is currently neglected. Our evolutionary model has been described in details in Mordasini et al. (2012c) and Jin et al. (2014) , therefore we here only give a short overview of the physical processes that are included.
Interior
To calculate the temporal evolution of the interior (its cooling and contraction) the same basic 1D internal structure equations are solved as in the formation phase (see Section 2.1.2 and Appendix A.1.2) using, however, different outer boundary conditions. These boundary conditions are provided by an atmospheric model.
The evolutionary model is self-consistently linked to the outcome of the formation phase in the sense that not only the planetary bulk composition resulting from formation is taken as initial condition, but also the entropy in the deep convective zone. The impact of the formation on the luminosity and radius at young ages is therefore automatically included. Both during the formation and evolution phase, we use the Schwarzschild criterion to determine if a layer is convective or radiative, and assume that in the convective parts, the radial entropy gradient vanishes. Both during formation and evolution, the planet consists of a deep convective interior that contains almost all the mass and a surrounding radiative zone. The size of the radiative zone increases as the planet cools during evolution (Guillot & Showman 2002 ) and contains of order 1 % of the mass at late times.
Following the usual paradigm of fully convective interiors in giant planets, semi-convection that could occur due to compositional gradients is neglected (Stevenson 1985; Leconte & Chabrier 2012) . We note that in view of the findings in Section 3.1.1, where during formation weakly enriched H+He is accreted on top of strongly enriched gas, semiconvection could occur (Stevenson 1985; Vazan et al. 2015) . On the other hand, luminosities are high during formation, which favors vigorous convection, meaning that detailed calculations are necessary to clarify this point in future work.
We find below that the enrichment of the atmosphere is mainly due to planetesimal accretion relatively early during formation. In light of this the assumption of large scale convection is crucial, because for a fully convective interior, one can assume a homogenous chemical composition, as convective eddies are very efficient in homogenizing it (Vazan et al. 2015) . Convection is thus the justification for a second assumption, namely that for the chemical calculations, the planet's envelope (and atmosphere, see below) are uniformly mixed, so that all planetesimal material that has been dissolved in the envelope during formation contributes to the finally measured enrichment.
If semi-convection does in reality occur, it would mean that some of the highly enriched material accreted in the early phase of the formation of the planet does not contribute to the final atmospheric composition, since it would be buried below the purer gas accreted during gas runaway accretion. In this case, the composition of this gas and the planetesimals accreted only in the final stages would determine the final observable composition (Thiabaud et al. 2015) .
Other important assumptions in the evolutionary model are that the core does not dissolve (which could further enrich the envelope, Guillot et al. 2004 ) and that no special bloating mechanisms occur (for a recent overview, see Baraffe et al. 2014) . For planets forming outside the iceline but finally becoming hot Jupiters one requires few-body interactions followed by tidal circularization to bring the planets to their final close-in orbits. In this case bloating would occur during the circularization phase. However, at the ages of several Gyrs at which hot Jupiters are typically observed this should no longer be important (Leconte et al. 2010) .
Regarding additional physics included in the evolutionary model, the radius of the solid core is calculated taking into account its composition (ice mass fraction) and the compression by the surrounding gas using the modified polytropic equation of state of Seager et al. (2007) . The heating due to radioactive decay in the planet's core is included in the planet's luminosity budget while the effect of the thermal cooling of the core is currently neglected (Lopez & Fortney 2014) . However, as a (hot) Jupiter's internal evolution is dominated by envelope cooling and contraction, this has a small effect on the planet's thermal evolution.
Note that during the evolution, there is the same inconsistency between the chemical and the cooling model as during formation: In the cooling model, the planets actually consists of a (computational) core that contains all the planetesimals accreted during formation surrounded by a pure H+He envelope. In the chemical model, it is in contrast assumed that the planetesimal material that was deposited during the impacts in the envelope stays there, homogeneously mixed with the H+He. It is clear that due to this inconsistency, the radii and luminosities predicted with the evolutionary model must be considered approximative. The effect of the distribution of the heavy elements in a giant planet on its evolution has been studied in detail by Baraffe et al. (2008) . For a Jovian planet with a metal mass fraction Z from 0.20 to 0.50, mixing the metals homogeneously into the H+He leads to radii that are typically 4 to 12% smaller than putting all solids in the core. The difference in radii of up to 12 % leads to differences in log(g) of ∼ 0.1. The resulting effect of such small differences in log(g) on planetary emission spectra of hot Jupiters are very small (Sudarsky et al. 2003; Mollière et al. 2015) and the internal thermodynamic evolution for hot Jupiters is much less important for the spectral shape than the SED and strength of the insolation. For transmission spectroscopy the associated change in the atmospheric scale height could lead to nonnegligible changes in the absolute planetary transit radii, but not so much in the shape of the transmission spectrum, except for the amplitude of the absorption features, which varies with varying g (see, e.g., Fortney et al. 2010) . For comparison, the envelope Z resulting from planetesimal accretion of the planets considered below are 0.09 and 0.28.
Atmospheric model for the evolutionary phase
During the planet's evolution we use an improved version of the double-gray atmospheric model of Guillot (2010) as outer boundary condition (see also Heng et al. 2012 Heng et al. , 2014 . This model yields atmospheric pressure-temperature profiles which are in fair agreement with detailed radiative transfer calculations of atmospheres of strongly irradiated giant planets. As described in Jin et al. (2014) , we use tabulated data giving the central model parameter γ, which is the ratio of the optical to the infrared opacity. The data have been derived by comparison with the atmospheric models of Fortney et al. (2008) .
For the optical depth calculations we use Rosseland mean opacities from the Freedman et al. (2008) tables for solar and scaled solar abundances, depending on the actual enrichment Z of the planetary envelope. In this way, the effect of the chemical composition on the atmospheric structure and cooling of the planet is taken into account, even if only in an approximate way, as the tables of Freedman et al. (2008) only give the opacity for a scaled solar composition gas and not for the specific composition of the atmosphere as predicted by chemistry and atomic abundances resulting from given volatile and refractory composition models.
The impact of the high opacity on the radius evolution can be significant (Burrows et al. 2007 ). In our simulations, we find differences of up to 0.16 R Jup at 5 Gyrs (Section 3.2), therefore we work on replacing the current atmosphere model with one that takes the actual composition self-consistently into account, as demonstrated by Fortney et al. (2011) for the Solar System. As discussed in Section 2.2.1 the effect of radius variations of the order of 10% on the shape of the emission spectra of hot Jupiters are, however, quite small but could show as changes in the absolute values of planetary transit spectra.
We assume that the chemical composition of the atmosphere is identical to the interior composition and constant in time. For cold giant planets like Jupiter, the convective zone reaches close to the photosphere leading to mixing, whereas for hot Jupiters, a deep radiative zone separates them (Guillot & Showman 2002) . While our assumption that this deep radiative zones does not lead to a separation of interior and atmospheric in terms of composition must be further tested with detailed models, we carried out the following back-of-theenvelope estimation: For mixing, we ask for v D > v settle where v settle is the settling speed of a given particle and v D = K zz H P is the diffusive mixing velocity over a pressure scale height H P with the vertical eddy diffusion coefficient K zz . Using hydrostatic equilibrium one finds
with the Boltzmann constant k B , the temperature T , the gravitational acceleration g, the mean molecular weight µ and the hydrogen mass m H . One can then compare typical settling velocities (see Parmentier et al. 2013, their Fig. 1 ) of particles of a size of up to 0.1-1 µm in H-He-dominated, Jupiter-like planets with vertical eddy diffusion values typically found in GCM simulations (see, e.g. Moses et al. 2011; Agúndez et al. 2014 Close-in planets are exposed to intense UV and X-ray irradiation from their host star, especially at young ages. This can drive atmospheric escape (e.g. Lammer et al. 2003; Baraffe et al. 2004; Erkaev et al. 2007; Murray-Clay et al. 2009; Owen & Jackson 2012; Lopez & Fortney 2013) . For hot Jupiters, the escape is hydrodynamic and can be driven either by X-rays or EUV (Owen & Jackson 2012) . In our evolutionary model (see Jin et al. 2014) , the envelope evaporation rate due to XUV irradiation is modeled at high EUV fluxes with a radiationrecombination limited rate (Murray-Clay et al. 2009) , and with an energy limited rate at lower fluxes. The equations we solve to model envelope evaporation can be found in Appendix A.2.1.
For the relatively massive planets studied in this work, envelope evaporation does occur, but is not a dominating process, reducing the envelope mass only on a 1-15 % level over the star's lifetime (see Section 3.2). Due to this, a potential mass fractionation during the escape process ) which could modify the atmospheric composition should not be important, especially because the escape fluxes of hydrogen are expected to be sufficiently high in hot Jupiters in order to drag along heavy species (Koskinen et al. 2013 ).
Elemental abundance models
We now describe the third chain link which is the model of the elemental composition of the building blocks of the planets and the disk chemistry. We adopt a composition that is inherited from the ISM (Gaidos 2015) but allow the disk chemistry to alter the ISM refractory composition in a single, but crucial, way: namely that carbon grains present in the ISM material can be destroyed in the inner parts of the disk by oxidizing reactions (Gail 2001; Lee et al. 2010 ).
The formation model yields the mass fractions of gaseous, refractory, and volatile material that make up the envelope of the planet, but does not yet specify what these materials are in terms of elemental composition. This is done with this chain link, assuming a high number of different possible elemental compositions of the building blocks.
All refractories in the envelope are stemming from planetesimal accretion, while the volatiles can stem from both icy planetesimals and volatile gas accretion. As mentioned earlier in Sections 2.2.1 and 2.2.2 we assume that the envelope is well mixed throughout its formation and evolution phase and that the envelope and the atmosphere have the same elemental compositions, without any settling occurring in the atmospheres.
As stated in Section 2.1.1 we assume that the planetesimals form early in the evolution of the disk, and quickly reach their final size of 100 km. They will contain refractory material, and at those locations in the disk where the midplane temperature at the time of planetesimal formation is sufficiently low for one or more volatile species to freeze out, these species will also be included in the planetesimals in the form of ice. Furthermore, we assume that all refractory material and all (condensed) volatiles are incorporated in the planetesimals. Lastly, because of their large size, we assume that the planetesimals do not drift radially, and that they retain their original composition (i.e. there is no out-gassing). Hence, the composition of the planetesimals that are accreted at each location in the disk depends on the local temperature during planetesimal formation, and on the assumed overall composition of the refractory and volatile material in the disk.
After the planets have formed we can use the volatile and refractory mass fractions in the planetary envelope and combine them with different compositional models for the volatile and refractory material, specifying the disk chemistry. This then yields the atomic elemental abundances in the envelope and, therefore, the atmosphere. This post-processing allows us to test and study the effects of various different compositional models without having to couple them self-consistently to the formation and evolutionary model every time.
In the sections below we will discuss our various models for the refractory and volatile elemental compositions. We have used a large number of different models in order to understand how the disk chemistry influences the final predicted spectrum of the planets.
Refractory material
In our basic model the refractory material is assumed to be a mixture of iron (Fe), carbon (C), and silicates with Enstatitetype stoichiometry (MgSiO 3 ) (see, e.g., Min et al. 2005; Min et al. 2007 ). We assume that iron always makes up 1/3 of the refractory mass, but note that the iron does not play an important role in the current considerations. The carbon and oxygen-bearing refractory species in contrast play an important role for the heavy element abundances in the atmosphere of the formed planets. In particular for the planets forming within the water iceline, where the atmospheric heavy element budget is dominated by the refractory material accreted in planetesimals, the assumed C/silicate mass ratio determines the final C/O ratio and whether a C-rich or O-rich chemistry will prevail. In the case where the planet forms outside the water iceline, large amounts of oxygen and potentially also carbon are accreted in the form of icy volatiles, and the assumed refractory composition plays a smaller, but still significant, role.
In the local ISM the C/silicate mass ratio is approximately 0.5 (Dwek et al. 1997) . We adopt this value, for the outer parts of the disk (outside 5 AU) such that the default refractory composition contains mass fractions of 2/9 in carbon and 4/9 in silicates (and 1/3 in iron). We also also investigate a carbon-poor composition (carbon mass fraction 1/9, silicates 5/9) and a carbon-rich composition (carbon mass fraction 1/3, silicates 1/3). Furthermore we explore an alternative composition of the refractory material, after Pollack et al. (1994) . This consists, in terms of mass fractions, of 8.3% olivine silicates (Mg 2 SiO 4 ), 25.0% pyroxene silicates (MgSiO 3 ), 10.4% iron (Fe), 10.1% troilite (FeS), and 46.2% organic "CHON" material. The CHON material has an elemental composition of C:H:O:N = 1:1:0.5:0.12 by mass. In total this leaves us with 4 different refractory compositional models.
Refractory material: Carbon depletion
In the inner part of the disk our default refractory model is one of the 4 described above, but with the carbon mass fraction decreasing in a power law fashion from its nominal value within a given model to 2×10
−4 times the nominal value when going from 5 to 1 AU. Inside 1 AU the carbon mass fraction is kept at the 2×10 −4 -depletion. In our non-carbon-depleted compositional model the refractory material inherits its bulk composition from the ISM dust (Gaidos 2015) . The effects of evaporation and subsequent re-formation of solids along a condensation sequence that are important in the inner disk at early times (e.g. Grossman & Larimer 1974) are thus ignored, as well as any gassolid reactions that may occur (e.g. Gail 2001; Lee et al. 2010 ). Yet, considering measurements in the Solar System it seems to be the case that in the solar nebula there was a strong gradient in the carbon content of the refractory material: while comets have an approximately solar carbon abundance (e.g. Geiss 1987; Min et al. 2005) , asteroids (as probed by meteorites) are deficient in carbon by a factor of 10 (e.g. Wasson & Kallemeyn 1988) , and the Earth is estimated to be carbon deficient in its bulk composition by a factor of ≈ 10 4 (e.g. Allègre et al. 2001) , despite the high surface abundance of carbon. This picture has recently been further refined by Bergin et al. (2015) who found that the carbon-to-silicon ratio in chondrites decreases from carbonaceous chondrites (∼5% solar) to ordinary chondrites (∼1% solar) to enstatite chondrites (∼0.5% solar). This is interesting because the formation location of carbonaceous chondrites, ordinary chondrites and enstatite chondrites is stated to be at ∼2.75 AU, ∼2.15 AU and ∼1.75 AU, respectively (Morbidelli et al. 2012) . Therefore the amount of carbon found in chondrites reproduces the depletion of carbon in the inner Solar System, as well as the fact that the strength of this depletion increases with decreasing distance to the star.
Outside the Solar System, a qualitatively similar picture arises from the abundance patterns of metal-enriched white dwarf photospheres that are thought to have recently accreted rocky bodies with low carbon content (see, e.g., Farihi et al. 2013; Wilson et al. 2016) .
Therefore, in order to investigate the effect of carbon deficiency in the solids in the inner disk we deplete the carbon in the planetesimals in our nominal model in a way that qualitatively mimics the composition of rocky bodies in the Solar System, leading to the aforementioned depletion by a factor of about 2×10 −4 inside 1 AU (see Figure 2 ). This does not affect the carbon abundance of planets forming in the outer parts of the disk, but drastically reduces the carbon abundance of a planet forming in the inner parts of the disk. It is clear that the adopted value of carbon reduction factor is partially ad hoc as it is unclear if the specific value derived for the Solar System can be extrapolated to other systems. Clearly this represents an area for improvement in future work. Changing the maximum depletion factor from about 10 −4 to only 10 −1 did not affect one of the main results obtained in the following sections, namely that with carbon depletion, planets forming both in-and outside of the water iceline have a C/O<1. For the time being we also in- vestigate cases without carbon depletion in the inner regions of the disk, but these cases are not what we consider to be our nominal model.
In total, considering our 4 refractory abundance models and the carbon depletion switch, we end up with 8 different models for the refractory composition.
Volatile material and disk gas composition
For the composition of the volatile material we explore 5 different options, which are outlined in Table 1 . We investigate the case of a pure H 2 O volatile composition (model v0), a case suggested by as a possible condensation model for the solar nebula (model v1), 2 models based on cometary abundance measurements (models v2 and v3) and a model based on protoplanetary disk measurements (model v4). In contrast to the refractories which only occur in solid form in the planetesimals, volatiles can be present in the planetesimals in the form of ice, as well as in gaseous form in the protoplanetary disk mixed with H+He.
However, the simplest assumption for the composition of the gas accreted into the planetary envelope is that of a H+He mixture that does not contain other molecules in appreciable amounts. In our calculation we approximate this situation with a pure H+He gas. The physical rationale behind such a scenario is the following: because the disk viscous timescale at the radii where the considered planets form is only of order 10 5 years, the disk moves inward to be accreted onto the central star on a timescale that is short compared to that of planetary core formation. By the time the forming planets start to accrete substantial amounts of gas, the gas in the relevant disk regions has been "flushed" a number of times, continuously being replenished by gas from the cold, more distant disk regions. If in these cold regions all refractory and volatile materials have been put into planetesimals, then only hydrogen and helium will be left in the gaseous phase for the planet to accrete. This behavior can be seen in the model of Thiabaud et al. (2015) where water vapor is removed from the entire disk due to viscous evolution in less than 10 5 years. On the other hand, some parts of the planet-forming region in a protoplanetary disk may be occupied by a "dead zone" where the magneto-rotational instability (Balbus & Hawley 1991) is not operating in the disk midplane (Gammie 1996) , so that the gas there might not have been "flushed" efficiently. Therefore, a second possibility that we explore is that the gas contains, in addition to H+He, all those volatile species whose sublimation temperature is below the midplane temperature at the time and location where the gas is accreted (see Section 2.3.4). This represents the other extreme scenario. Strictly speaking, it is not self-consistent with the disk evolution model which does not include a "dead zone".
Envelope elemental abundance post-processing
From the planetesimal mass accreted onto the planet it is possible to obtain the planets enrichment in elements other than H+He. As described at the start of Section 2.3, in the calculation of the planet formation and accretion history there is no accounting of individual atomic composition of the refractory or volatile species. Instead, for each time step the model yields the relative amounts of H (X), He (Y), total refractory material (Z r,p ) and total volatile material (Z v,p ) accreted in the form of planetesimals in the envelope. The relative contributions of the various constituents sum up to unity.
In the formation calculation the accreted gas is assumed to consist of a pure H+He mixture everywhere in the disk (see Mordasini et al. 2014 , for a discussion). Furthermore, it is implicitly assumed that all volatile species are frozen out and incorporated into planetesimals beyond the water iceline at the time of planetesimal formation, and no volatiles are contained in the planetesimals that formed closer to the central star than the water iceline. In reality, the planetesimals formed beyond the water iceline may not contain all volatile species because the condensation temperatures of CO, CO 2 , and CH 4 are much lower than that of H 2 O, and hence their respective icelines lie at larger distances from the central star. Some of the highly volatile material may be captured in the form of "clathrates" (e.g., Delsemme & Miller 1970) , such that we may have e.g. CO or CH 4 inclusions in the water ice at locations interior to the nominal icelines of the respective species. Furthermore, the gaseous component may contain volatile species, in addition to, H+He, although this is not necessarily the case. The mass budget needs to be corrected in order to account for these effects. Firstly, Z v,p is reduced accordingly by removing those volatile species from the planetesimal mass budget that are not frozen out during planetesimal formation, that is: the disk midplane temperature during planetesimal formation is above the sublimation temperature of the respective species. This implicitly means that the planetesimal surface density used to form the planet outside of the water iceline should in reality have been somewhat lower and, therefore, introduces as slight inconsistency. Secondly, the volatiles in gaseous form (Z v,g ) are, optionally, introduced. These consist of those species whose sublimation temperature is below the midplane temperature during gas accretion. They are added to the accreted gas according to the fraction of the total "dust" mass they represent, and the bulk disk dust/gas mass ratio f dg :
Here, "dust" is taken to be all material in the disk that is not hydrogen or helium, f r represents the mass fraction of refractory material in the dust, and (1 − f r ) is the mass fraction of volatiles in the dust. The composition of the volatiles is denoted by the relative mass contributions g i of the various species to the total mass in volatiles, where g i = 1 when summing over both the gaseous and icy volatiles. The sum in Equation 2 includes only the gaseous species, and thus de- notes the fraction of the volatile material present in gaseous form. The values of g i for the various volatile species follow from the assumed compositions that are summarized in Table 1. The refinement of the volatile mass budget necessitates a small correction factor of ≈ 1 in the overall mass budget to ensure that the relative contributions to the total accreted envelope mass still add up to unity:
In total, together with the 5 volatile composition models described in Section 2.3.3, this introduces 3 more cases: volatiles in clathrates, volatiles not in the clathrates but also not in the gas phase, volatiles not in the clathrates but in the gas phase, leading to a total of 15 volatile abundance models. Considered together with the 8 refractory abundance models we obtain a total number of 120 different models.
Finally, if Z r,p , Z v,p and Z v,g are known, together with the compositional models for the volatiles and refractories, this yields the atomic elemental composition in the planetary envelope and atmosphere.
Summarizing the above points, the following parameters were varied for the compositional post-processing of the envelopes:
• Mass fraction of refractories with respect to all metal f r : We perform calculations for f r = 0.25, 0.32, and 0.46, corresponding, respectively, to the values found or adopted by , Anders & Grevesse (1989), and . This leads to 3 f r model options.
• Refractory composition: We explore 4 possibilities for the relative amounts of carbon and silicates in refractories: a C/silicates mass ratio of 0.2, 0.5, and 1.0 or refractories of 46.2 weight percent "CHON"-composition. By default the inner parts of the disk are assumed to be carbon poor to take into account the observed the carbon depletion in the Solar System and WD atmospheres. But the inner disk carbon depletion can also be turned off. This leads to 8 refractory model options.
• Volatile composition: We explore 5 different volatile compositional models, which are outlined in Table 1 . We also consider clathrate formation and volatiles in the gas phase leading to 4 more options for all volatile compositions. This leads, in total, to 20 volatile model options. Depending on the formation location some of these options are degenerate in their outcomes, e.g. for a planet forming inside the iceline the clathrate option is meaningless. For planets forming outside the iceline with clathration of all volatiles the option of whether or not volatiles can be found in the gas phase is meaningless as well. For the case without clathrates we use the iceline temperatures given in In total there are 3 × 8 × 20 = 480 different compositional models, some of which are, as said before, redundant. For planets which form inside the iceline the clathrate option is meaningless, leading to 240 models. For 120 of these 240 models volatiles are not in the gas phase, rendering the f rparameter meaningless, leaving 40 of the 120 models. Further, the volatile composition cannot be important for these cases, therefore we are left with 8 of the 40 models, leading to 128 relevant models for planets forming inside the iceline. For planets which form outside the iceline and outside the carbon depletion region there are 4 meaningful refractory compositional models left, and the volatiles-in-gas option only makes sense if clathrate formation is turned off, leading to 3 × 4 × 15 = 180 different models for planets forming outside the iceline.
We identify different explored options uniquely using the following naming scheme: dry_r0.25_Csil0.5_Cdef_v0_noclath_gXY wet 0.32 0.2 1 clath gVol 0.46 1.0 2 CHO 3 4
Here, "wet" and "dry" indicate the planet that formed completely inside or completely outside of the water iceline, respectively. The fraction of the refractory material to the total "dust" mass is indicated by r0.XX, and CsilX.X denotes the C/silicates mass ratio in the refractory material. If "CHON" material is assumed, we replace CsilX.X with CsilCHO. If a carbon deficiency in the inner disk is applied, as described in Section 2.3.1, this is indicated with the Cdef switch. vX denotes the composition of the volatiles as detailed in Table 1. Whether or not all volatile species are frozen out during planetesimal formation along with water in the form of clathrates is indicated by clath (they do) and noclath (they do not, and instead each freeze out at their own sublimation temperature, see Table 2 ), respectively. The composition of the accreted gas is indicated by the last term, where gXY indicates a pure H+He gas, and gVol indicates a gas that contains also volatile species. Thus, for example, model wet_r0.32_Csil0.5_v2_clath_gXY indicates a planet that formed completely outside the water iceline in a disk without carbon depletion where refractory material makes up 32% of the "dust" mass, carbon and silicates comprise 2/9 and 4/9 of the mass in refractories, respectively, the volatiles have a composition according to Bockelée-Morvan et al. (2004) , the planetesimals contain ices with all volatile species captured in the water ice as clathrates, and the gas that is accreted after core formation contains only hydrogen and helium.
Importance of planetesimal enrichment
In the context of the two sources for the heavy elements in a planetary atmosphere which are planetesimals (or solids in general) on one hand, and nebular gas on the other hand, it is important to analyze the enrichment levels of the planets inand outside of the Solar System. This allows to estimate the relative importance of the two sources as we see next. Past studies linking planet formation and atmospheric composition have often focussed on the enrichment by gas because the composition of the gas is more readily obtained from a disk model alone, whereas the contribution by the planetesimals can only be obtained with a proper planet formation model.
In the left panel of Fig. 3 we show the enrichment of planets relative to their host star e Z,rel as a function of their mass. A relative enrichment clearly higher than unity can only be obtained by the accretion of solids, such that we can then speak of a planetesimal-dominated composition. Heavy elements accreted with the gas can still contribute, but cannot be dominant for e Z,rel clearly larger than unity. Planets which are dominated by gas accretion can in contrast have a e Z,rel of unity or less, because the metals which are locked into the planetesimals are no longer present in the gas and therefore the accreted gas will have a sub-stellar metallicity. For example, if we assume that inside of the water iceline about half of all heavy elements are condensed and half of them in gaseous form , then a planet's atmosphere forming there that is enriched solely by the accreted gas will have a relative enrichment of e Z,rel =0.5. An enrichment less than unity does however still not mean that the heavy elements in a planet's atmosphere were necessarily accreted with the gas: in principle a planet could also have accreted (nearly) pure H/He, and a small amount of planetesimals, but only so little that e Z,rel <1. A relative enrichment bigger than 1 shows in contrast that solids were indeed important. Therefore, a relative enrichment of unity is a natural dividing line between a composition where solids were necessarily important (or even dominant at higher values), and a potentially gas-dominated composition. It is not a sharp boundary, as for e Z,rel around unity, both sources can potentially be important.
In the figure, we study both the relative enrichment in the interior e Z,rel,int and atmosphere e Z,rel,atmo for seven different data sets. They are described in detail in Appendix B together with the numerical parameters of the fits. The relative interior (bulk) enrichment is shown in the upper part. It is the mass fraction of heavy elements in a planet relative to the mass fraction of heavy elements in its host star, i.e., e Z,rel,int = Z Pl /Z * where Z Pl = M Z /M with M Z the mass of heavy elements (both in the solid core and dissolved in the envelope) in the planet of a total mass M, and Z * the mass fraction of heavy elements in the host star (0.0142 for the solar primordial composition, Asplund et al. 2009 ). The relative atmospheric enrichment is shown in the lower part. It is given as e Z,rel,atmo = (N Z /N H ) p /(N Z /N H ) * , where (N Z /N H ) p and (N Z /N H ) * is the number of a heavy element atoms (e.g., carbon) relative to the number of H atoms in the planet and its host star, respectively. The bulk and atmospheric enrichments are shown separately as the former approaches 1/Z * for very high planetary Z Pl →1, whereas the latter approaches infinity. It would in principle be possible to convert them into one another and show them on one plot. But this would involve assumptions about the (unknown) elemental stellar and planetary composition, such that we prefer to show them here separately. Both of them can be used to estimate whether planets fall into the planetesimal-or gas-dominated regimes.
Bulk enrichment
We first discuss the relative bulk enrichment. From internal structure models one can derive the M Z necessary to reproduce the observed mass and radius, and -for the Solar System planets -the gravitational moments. Studies inferring in this way e Z,rel,int of transiting exoplanets have found that e Z,rel,int decreases with increasing mass (left panel of Fig. 3 ). The planetary mass where e Z,rel,int = 1 defines the parity mass M 1 (see Appendix B). It is shown in the right panel of Fig. 3 . It is extrapolated to be between ∼13 and 60 M Jup (Miller & Fortney 2011; Thorngren et al. 2015) . The planets analyzed in these studies have equilibrium temperatures of less than ∼1000 K (corresponding to an orbital distance of about 0.08 AU for a solar-like star) so that they are not affected by the aforementioned bloating mechanisms. A similar decrease of e Z,rel,int with increasing mass is found for the bulk metal content of Solar System giants , where the mass where e Z,rel,int reaches 1 is extrapolated to be at about 11 M Jup . From theoretical planet population syntheses based on the core accretion theory one finally finds that the parity mass is at about 10 to 18 M Jup . Considering that of the 255 extrasolar giant planets (M sin i > 0.1M ) inside of 0.1 AU currently listed on www.exoplanets.org (Han et al. 2014 ) only 4 have a mass exceeding 10 M (which is not an observational bias). We thus deduce that at least based on their masses regarding the bulk composition of hot Jupiters, it appears that almost all of them should be dominated by planetesimal enrichment. We add the caveat that the bulk heavy element content cannot be inferred directly for typical hot Jupiters at equilibrium temperatures of T eq 1500 K because of bloating mechanisms. But the fact that both the planets analyzed by Miller & Fortney (2011) ; Thorngren et al. (2015) (a =0.03-1 AU, T eq 1000 K) and the solar system planets (a ≈5-30 AU) follow the same trend, makes it appear unlikely -even though in principle not excluded-that the hot Jupiters at a ∼ 0.04 AU do not follow the same enrichment pattern.
Atmospheric enrichment
An interesting question is whether the planetesimal enrichment is also visible in the planetary atmosphere. If the atmosphere is not sufficiently well mixed the heavier species might slowly settle to the central regions of the planet and are therefore no more visible in the atmosphere. This effect has been looked at in our paper (see last paragraph of Section 2.2.2) and at least from these simple estimates it is found that it is not important. Another effect could be important, however as discussed in the Sections 2.2.1, 3.1.2: the planets accrete most of the planetesimals enriching their envelopes before the phase of runaway gas accretion. If one traces where the mass of the disintegrating planetesimals is deposited in the envelope's deep layers, and if mixing is inhibited due to semi-convection, then this could lead to planets where only a small amount of the planetesimal enrichment reaches the envelope's upper layers and, therefore, its atmosphere. Whether the onset of semi-convection occurs during the formation of Thorngren et al. (2015) (brown short-dashed-dotted) for extrasolar planets with an equilibrium temperature of less than ∼1000 K. The many small crosses in the background show the bulk enrichment of synthetic planets in Mordasini et al. (2014) . The atmospheric enrichment measurements for Solar System giant planets are taken from Guillot & Gautier (2014) , where the red solid line and red symbols are based on the CH 4 abundance in the atmospheres alone, whereas the blue dotted line and symbols show a mean over the measured atmospheric abundances of all heavy elements. The purple long-dashed-dotted line is from Kreidberg et al. (2014) and additionally takes into account the atmospheric water abundance in WASP-43b. The lines shows least square fits to the various data sets. The locus where the fitting lines meet the gray horizontal line at a relative enrichment of unity defines the parity mass M 1 . Right panel: Parity mass M 1 where the planetary interior or atmospheric enrichment relative to the host equals 1. The parity mass values and error bars were derived from the least square fits of the various datasets shown in the left panel.
the planets is currently not tested in our model and currently not known from other formation models.
However, looking at the relative atmospheric heavy element enrichment in Solar System and extrasolar gas planets may indicate that the mass where e Z,rel,atmo =1 is at around M 1 ∼ 2 to 7 M Jup (Guillot & Gautier 2014; Kreidberg et al. 2014, Appendix B) , lower than inferred for the interiors. Thus the aforementioned discrepancy between the interior and atmospheric enrichment may indeed exist, meaning that compositional gradients and semiconvection could play a role, but the e Z,rel,atmo =1 (which does not mean necessarily gas-dominated yet, see above) is still only occurring at rather large masses M 1 compared to typical hot Jupiter masses.
In summary, given that the enrichment of interiors of planets appear to be planetesimal-dominated up to at least 10 M and up to a few Jupiter masses for their atmospheres, we think that gas-dominated enrichment of hot Jupiters should probably be rare because most hot Jupiters have rather low masses when compared to M 1 ≈2-10M : the mass distribution of giant planets (M > 0.1M ) within 0.1 AU from their host star peaks at about 0.9 M , and 81 % have masses below 2 M , and 98 % have masses below 10 M (see, e.g., exoplanets.org). Given these observations, it seems that hot Jupiters with envelopes and atmospheres with a composition dominated by planetesimal accretion should likely be the rule, whereas hot Jupiters with a composition dominated by gas accretion should be an exception. In that sense considering planetesimal-dominated planets is probably quite general for hot Jupiters, unless they form in a completely different way than envisioned here. The studies focussing on the C/O ratio of the disk gas and its implication for the planetary C/O ratio, like done inÖberg et al. Ali-Dib et al. (2014) , are therefore likely only relevant for planets heavier than a typical hot Jupiter. Examples could be massive directly imaged planets like β Pictoris b (Lagrange et al. 2010) or around HR 8799 (Marois et al. 2008 ). Future precise measurements of planetary atmospheric abundances may show whether there is indeed such a transition from planetesimal to gas-dominated compositions.
2.5. Atmospheric model for spectral calculations As described in Section 2.2.2 the atmospheric model used during the evolution of the planets is the analytic double-gray model by Guillot (2010) , which takes the planet's enrichment into account in an approximative fashion, by using scaled solar abundance Rosseland mean opacities. While this atmospheric description might be sufficient for the planetary evolution, the emission and transmission spectra of the planets are very sensitive to the actual atomic compositions derived from the formation and post-processing modules.
Furthermore the emission and transmission spectra of the planets need to be calculated, for which a wavelength dependent treatment of the planetary radiation field is necessary. Therefore, in the fourth chain link, we couple the planets' quantities such as mass, radius, insolation and atomic abundances to a self-consistent fully non-gray 1-D atmospheric model. We use this model to calculate the planet's emission and transmission spectra. A short description of the code is given next. TABLE 3 Basic instrument parameters assumed for the simulated JWST observations for the three adopted instruments and configurations. We assume the JWST to have a collecting area of 24 m 2 and the "warm" mirrors to be at 35 K. For ARIEL we assume a collecting area of 0.81 m 2 and the "warm" mirrors to be at 70 K. We adopt a "noise floor" due to uncorrected systematic effects as indicated in the last row, in units of parts per million.
PETIT code
The PETIT code is a 1-D plane-parallel atmospheric code, which solves the radiative-convective equilibrium structure of the atmosphere under the assumptions of LTE and equilibrium chemistry. The code models the wavelength dependent radiative transfer making use of the correlated-k assumption. It considers molecular opacities for CH 4 , C 2 H 2 , CO, CO 2 , H 2 S, H 2 , HCN, H 2 O, K, Na, NH 3 , OH, PH 3 , TiO and VO, as well as H 2 -H 2 and H 2 -He collision induced absorption (CIA). The results calculated by the code are the atmosphere's self-consistent pressure-temperature structure, the atomic and molecular abundances throughout the atmosphere and the planet's emission and transmission spectra. A detailed description of the code can be found in Mollière et al. (2015) . The code was only recently extended to also calculate transmission spectra. To this end we directly calculate the transmission through planetary annuli as seen by the observer during a transit. We then combine the annuli's individual transmissions to obtain an effective planetary radius. For the transmission calculation we include Rayleigh scattering of H 2 molecules and He atoms, using cross-sections from Dalgarno & Williams (1962) and Chan & Dalgarno (1965) , respectively. In order to verify our implementation of the transmission spectra calculations we carried out a comparison to the 1-d transmission spectra shown in Figures 2 and 3 in Fortney et al. (2010) . We found a very good agreement.
Simulated observations
We simulate secondary eclipse observations using the performance model of . It employs a library of stellar model atmospheres alongside the planetary model spectra calculated with PETIT to generate realistic astrophysical signals. These are then propagated through parameterized descriptions of telescope, spectrograph, and detector properties in order to estimate the achieved SNR on an eclipse observation of a given system with a given facility. In this paper we perform calculations for observations with the James Webb Space Telescope (JWST) as well as the proposed dedicated eclipse spectroscopy mission ARIEL (formerly Thesis, then EChO, e.g. Swain et al. 2010; Krause et al. 2012; Tinetti et al. 2012; Swinyard et al. 2012; Glauser et al. 2013) . The assumed telescope and instrument parameters are summarized in Table 3 .
CALCULATIONS & RESULTS
In this study we concentrate on results obtained for the formation and evolution of two prototypical planets, a "dry "dry Jupiter" "wet Saturn" Initial disk mass [M ] 0 Jupiter" and a "wet Saturn". These simulations were taken from a population synthesis calculation of Mordasini et al. (2012b) and thus have initial conditions expected from the observed distributions of disk properties in terms of mass, metallicity, and lifetime. The most important initial conditions for the two cases are given in Table 4 . For comparison, the mass of the MMSN of is about 0.013 M . Both disks are therefore rather massive in terms of gas mass. But given the low [Fe/H] in the "wet Saturn" case, the surface density of planetesimals is only moderately larger than in the MMSN case. The disk in the "dry Jupiter" case has an approximately solar metallicity, therefore its surface density of planetesimals is significantly higher than in the MMSN.
This allows a giant planet to form completely inside of the water iceline (see Lin 2004a and Mordasini et al. 2012a) because the refractories alone are sufficient to allow a formation of a supercritical core that can trigger gas runaway accretion during the lifetime of the disk. For disks with a low surface density of planetesimals the increase of the surface density due to water condensation is, in contrast, necessary for giant plant formation. For the interpretation of our results, it is important that the planetesimal surface density in the disk and the stellar [Fe/H] are correlated (see Sect. 2.1.1), a view that is supported by the well-know positive correlation of stellar [Fe/H] and the frequency of giant planets (e.g. Santos et al. 2001; Fischer & Valenti 2005) .
The location of the water iceline at 6.9 and 6.2 AU may appear relatively large. However, it is a direct consequence of viscous heating in such massive disks. For comparison, for a MMSN disk, our model predicts an iceline location of about 3.4 AU, which is not very different from the classical 2.7 AU in a disk that is only heated by the central star ). Since we assume that planetesimals of 100 km in size form instantaneously, it is consistent to assume that the location of the iceline does not further evolve in time. Figures 4 and 5 show the accretion and migration history and the resulting bulk compositions of both the "dry" planet, which formed inside the water iceline, and the "wet" planet, which formed outside of it. The calculations start at the moment in time that is necessary to build up the initial seed of 0.6 M ⊕ at its starting position, given the properties (mass and metallicity) of the protoplanetary disk (see Mordasini et al. 2009 ). This leads to a significant time delay between the start of disk evolution (i.e., t=0), and the start of the calculations, especially for the "wet" planet because of its large initial semimajor axis.
Accretion history
The "dry" planet starts assembling its core around 4.4 AU and migrates inward. At ≈ 3.4 AU it has acquired a gaseous envelope of ≈ 0.08 M ⊕ , which is sufficiently thick for infalling 100 km planetesimals to be evaporated before they reach the core. Hence, the core stops growing, and any planetesimals accreted from here on will enrich the envelope with heavy elements. For smaller planetesimals, the core would stop growing already at a lower mass, resulting in a correspondingly higher final enrichment of the envelope. For example, the core would stop growing already at ∼2M ⊕ for 1 km planetesimals as discussed in Section 2.1.3. This would lead to a final envelope enrichment that is about 29% higher. We thus see that 100 times smaller planetesimals indeed lead to a higher enrichment, but the difference is not very large. Even if all solids would be mixed into the envelope as it could occur for very small bodies, an enrichment that is higher by 38% would result, again not a very large change. The reason for this moderate increase is that even for 100 km sized planetesimals, already most of them are destroyed in the envelope. The reason for this is that envelopes of protoplanets embedded in the protoplanetary nebula with core masses of a few M ⊕ are very massive compared to secondary atmospheres of the terrestrial planets in the Solar System. But even Venus' atmosphere that is with a mass of ∼10 −4 M ⊕ very tenuous in comparison, is able to shield Venus' surface from ∼1 km asteroids. This is shown by the crater size distribution that falls off steeply for craters 20 km. Smaller craters do not form as smaller impactors are destroyed in the atmosphere as indicated by radar dark "shadows" (Zahnle 1992) .
The planet continues to migrate inward, accreting both gas and planetesimals. The envelope mass is initially dominated by the accreted and dissolved planetesimals. Only in the innermost disk, at < 0.3 AU, runaway gas accretion occurs and the envelope mass becomes dominated by the accreted gas 6 . In total, the planet envelope consists of 232 M ⊕ of material accreted in gaseous form, and 21 M ⊕ of material originating from dissolved planetesimals. Eventually, the planet migrates to the inner border of the computational disk. We assume that the planet then stops at a orbital distance of 0.04 AU due to the stellar magnetospheric cavity (e.g. Lin et al. 1996; BenitezLlambay et al. 2011) .
The core of the "wet" planet starts forming around 11.6 AU, and also starts a slow inward migration. Due to its large starting distance, this planet forms only in the final phases of the lifetime of the disk, when the disk's gas mass has already much decreased. At ≈ 11.5 AU core formation is complete and further accreted planetesimals evaporate and enrich the envelope. A short runaway accretion phase ensues when the planet is at ≈ 10.4 AU. At the end of the simulation the planet's envelope has accreted ≈ 72 M ⊕ of gaseous material and ≈ 28 M ⊕ in planetesimals. We assume that also the "wet" 6 At about 3.6 Myrs, at ≈ 1 AU, there is a phase where the envelope mass decreases. This is a consequence of the following: At this time, the libration timescale of gas on horseshoe orbits becomes longer than the viscous timescale across the horseshoe region. Therefore, the positive corotation torque (which slows down the planet's inward migration) saturates, and the planet migrates more rapidly inwards (only negative Lindblad torques are left; see, e.g., Paardekooper et al. 2010; Dittkrist et al. 2014 ). It therefore accretes more planetesimals, because it migrates faster into regions with a high planetesimal surface density. This means that the luminosity in the envelope increases because of more impacts, and so does the pressure support in the gas. The envelope expands, pressing some previously bound gas out of the Hill sphere, so that the envelope mass decreases temporary. planet ends up close to the central star as a hot Jupiter on a time scale that is short compared to the 5 Gyr assumed age of the mature planet, via a mechanism that is not explicitly modeled. It is assumed that this happens due to few-body interactions (Kozai migration, planet-planet scattering) and tidal circularization, without the accretion of further material. This is a missing chain link in our model.
Envelope metallicity evolution
From Figures 4 and 5 it becomes clear that the accretion history of the solids and icy volatiles is quite different from that of the gas: much of the heavy elements accreted in the form of planetesimals are deposited in the envelope at earlier times than most of the gas. This is reflected in the evolution of the envelope metallicity (mass fraction of dissolved metals) during the formation process, that is shown in Figure 6 . At early times, when the planet has less than ≈ 5 M ⊕ , our assumed 100 km planetesimals loose only little mass during their flight through the tenuous envelope and essentially all their mass ends up in the core, keeping Z enve initially low. Once the planet reaches ≈ 5 M ⊕ the envelope becomes thick enough for the planetesimals to disintegrate and evaporate. This leads to very strong enrichment of the envelopes, with metallicities peaking above 90%. As runaway gas accretion ensues, the envelope is diluted again and at the end of formation the "dry" and "wet" planets' envelopes contain, by mass ≈ 8% and ≈ 28% heavy elements, respectively. The accretion of planetesimals which are smaller than 100 km or tiny bodies like pebbles would increase the metallicity , Sect. 2.1.3). Besides its lower H/He content (due to its late formation), the metallicity for the "wet Saturn" is further increased because icy planetesimals are more susceptible to mass loss during their flight through the protoplanetary envelope (see Mordasini 2014 for a discussion of the effect of the planetesimal composition on the atmospheric destruction).
(Proto-)planet radius
In Figure 7 we show the outer radius of the "dry Jupiter" during the formation stage as well as during the subsequent evolution. During the early formation the proto-planet is in the attached phase, so that its radius is approximately the smaller of the accretion radius and one third of the Hill sphere radius (Lissauer et al. 2009 ). As the planet grows, its Hill sphere initially expands, but after about 3.3 Myrs, the Hill sphere shrinks again due to inward migration. At about 4 Myrs and a radius of 3.7 R Jup , the planet detaches from the disk and contracts further. The gas accretion rate is now limited by the supply from the protoplanetary disk rather than the planet's Kelvin-Helmholtz contraction. The accretion of gas is now assumed to cause a supercritical shock on the planet surface such that the kinetic energy of the infalling gas is instantly radiated away. Hence, due to the accretion of lowentropy material, the radius of the protoplanet decreases during the disk-limited accretion phase to about 1.7 R Jup at the moment when the planet reaches the inner border of the disk.
Evolution phase

Cooling and contraction of the "dry Jupiter"
At the end of the formation phase, the "dry Jupiter" has accreted a solid core of about 8 M ⊕ , about 231 M ⊕ of H/He, and 21 M ⊕ of heavy elements mixed into the envelope. As mentioned in Section 2.2.1, for the evolution at an orbital distance of 0.04 AU from a solar-like star, we assume that all solids Fig. 7 .-Formation and evolution phase: radius of the "dry Jupiter" as a function of time. The red solid line shows the radius during the formation phase when the planet is growing in mass. During the subsequent evolutionary phase, the radius (τ=2/3) is shown for three different models: at 0.04 AU, double-gray atmosphere, solar composition (blue dotted); at 0.04 AU, double-gray atmosphere, enriched (green dashed), and, for comparison, at 0.1 AU, gray atmosphere, solar (brown dashed-dotted). The inset figure is a zoom on the evolution phase. At 5 Gyr, the radius is 1.12 and 1.06 R for an enriched and solar composition opacity, respectively. are concentrated in the computational core. This inconsistency should lead to an overestimation of the planetary radius of ∼ 5 % at late times (Baraffe et al. 2008) . However, for the nominal evolution we take the enrichment for the opacity into account in an approximative way by using opacities for a scaled solar-composition gas with [M/H]=0.92 taken from Freedman et al. (2014) . As shown in Figure 7 the τ = 2/3 radius at 5 Gyrs is 1.12 and 1.05 R Jup for the [M/H]=0.92 and solar composition opacity case, respectively.
The entropy in the deep convective zone at the end of formation is 9.73 k B per baryon, which is an important diagnostic for the formation history of a giant planet (cf. Marley et al. 2007 ). This entropy is lower than in Mordasini (2013) for the corresponding core and total mass. The lower entropy is likely due to the lower gas accretion rate in the disk-limited phase: in Mordasini (2013) , a rate of 10 −2 M ⊕ /yr was assumed, while here the typical gas accretion rate is only of order 2 × 10 −4 M ⊕ /yr, which is known to lead to lower post-formation entropies (Spiegel & Burrows 2012 ). In any case, for this comparatively low-mass planet, by the time the planet's spectrum is typically observed (here we assume 5 Gyrs), the initial entropy only has an indirect impact via its influence on the planet's radius at early times, which in turn enters into the calculation of the atmospheric escape rate, and therefore the envelope mass at late times. However, for both giant planets considered here, atmospheric escape is also not of high importance, as we will see below. Figure 8 shows the long-term evolution of the "dry Jupiter's" interior in the p -T plane. The upper ends of the lines correspond to the planet's outer atmosphere, while the lower ends are at the core-envelope boundary. At early times after formation, the radiative-convective boundary is at about 3 bar. Subsequently, a deep radiative zone forms as expected (Guillot & Showman 2002) , and the radiative zone extends down to several 10 2 bars. One can also see the decrease of temporal sequence of p -T structures in the interior and atmosphere of the "dry Jupiter" (a = 0.04 AU). The uppermost line corresponds to a moment in time shortly after the beginning of the evolutionary phase, while the bottom profile is at an age of 5 Gyrs. The structures are calculated with a opacity corresponding to [M/H] = 0.92 with radiative and convective parts shown in blue and brown, respectively. The evolution for a solar opacity is also shown for comparison (light/dark gray lines). The initial structure is identical at large pressures. See the electronic edition of the Journal for a color version of this figure. the central temperature. The temperature at the outer boundary in contrast remains virtually fixed as the change of the stellar luminosity in time is neglected, but strongly dominates the temperature structure in the upper parts of the planetary atmosphere, as it is typical for hot Jupiters. In the figure, the evolution for both the nominal increased opacity, and the solar-composition opacity is shown. The first post-formation structure is identical in the two cases for the deep interior, as both start with the same entropy. At a higher opacity, the subsequent cooling is as expected delayed (e.g. Burrows et al. 2007 ). One also sees that the temperature in the deep isothermal zone (between about 1 to 100 bars) is identical in both models. This is expected for the simple semi-gray atmosphere, where the ratio of the opacities in the infrared and visual is assumed to depend only on the planet's temperature, but not its composition. In the detailed atmospheric models discussed in sections 2.5 and 3.5 this is different. In future work, we will calculate the planet's evolution with an atmospheric model that directly uses the composition given from formation, in an approach as demonstrated by Fortney et al. (2011) for the giant planets of the Solar System. 3.2.2. Cooling and contraction of the "wet Saturn" Figure 9 shows the contraction of the "wet Saturn", testing the impact of several parameters. All models use the post-formation entropy of 8.86 k B per baryon, a computational core mass of 35.2 M ⊕ , and an envelope mass of pure H+He of 72.5 M ⊕ . As shown in Sect. 3.1.2, if the effect of the 28 M ⊕ of dissolved planetesimals would be self-consistently taken into account, the envelope would actually have a Z of about 0.28. This is a significant value, therefore our simplification of putting all solids in the computational core instead of mixing them with the H/He in the evolutionary module here has stronger consequences than for the less enriched "dry Jupiter". Putting all metals in the core could result in an overestimation of the radius by up to ∼15 % at late times (Baraffe et al. 2008) . For the opacity, we include in contrast the effect of the enrichment by assuming an opacity that corresponds to a scaled solar composition with [M/H]=1.4 for the nominal cooling curve. It predicts a radius of 1.04 R at 5 Gyrs. Besides the nominal case, Figure 9 also shows the radius as a function of time for five other simulations: Neglecting the atmospheric escape leads to a radius that is only slightly larger (difference of about 0.03 R at 5 Gyrs). Changing the composition of the solid core, or increasing the helium mass fraction to 0.3 instead of the nominal 0.24 also leads to small differences at late times of about 0.05 R . Assuming a solar composition opacity has a larger impact, as it leads to a radius of about 0.9 R at 5 Gyr. For comparison, we also show in the figure the radius for the same planet, but evolved at a semi-major axis of 9.4 AU which is the orbital distance at the end of the disk lifetime, before the assumed few-body interaction occurs, leading to the scattering of the planet close to the star. It is calculated with a simple gray atmosphere, and solar composition. In this comparison case, the radius at 5 Gyrs is about 0.78 Jovian radii. This is less than Saturn's current radius (about 0.84 R ), and is caused by the high Z value of the planet (maybe a factor 1.2-2.2 higher than in Saturn, Guillot & Gautier 2014) , and the too low opacity.
We thus find that in the absence of special bloating mechanisms, the radius of the planet at 5 Gyrs should lie between 0.9 and 1.1 R , but this value is affected by the various simplifications like the double-gray atmospheric model or the scaled solar-composition opacities. As outlined in Section 2.2.1 the effect of radius uncertainties of the magnitude stated above on the emission spectra should be minor. The differences in the planetary evolution, and therefore its intrinsic luminosity, are not expected to be of high importance, as a hot Jupiter's atmospheric temperature structure in the regions where the emission spectrum stems from is determined by the insolation (and the atmospheric abundances). There exists a log(g) dependence as well, but the uncertainty in log(g) resulting from The plot shows the fraction of the remaining envelope material as a function of time after formation, normalized to the initial value for the "dry Jupiter" (red) and "wet Saturn" (blue), respectively. The dashed, dotted, and solid lines stand for X-ray driven, EUV radiation-recombination, and EUV energy limited evaporation.
the radius uncertainty stated above is too small. For planetary transmission spectra the situation might be different, as the scale height in the planets should vary non-negligibly, being visible in the value of the planet's transit radius and the height of the spectral transmission features. Figure 10 illustrates the hydrodynamic mass loss driven by photoionization heating from stellar ultraviolet and X-ray radiation during the evolutionary phase for the nominal models. The plot shows the fraction of the remaining envelope material as a function of time, normalized to the post-formation value. For these relatively massive planets at 0.04 AU (i.e., not extremely close to the host star), mass loss is, as expected (e.g. Owen & Wu 2013; Lopez & Fortney 2013; Jin et al. 2014) , not very important: the "dry Jupiter" looses only ≈ 1.3% of its initial envelope.
Atmospheric escape
Due to its lower mass (but similar radius), the "wet Saturn" is more vulnerable to evaporation, and looses ≈ 15% of the initial envelope. Note that only H+He escape is calculated explicitly by the evaporation model, but because mass is lost in the hydrodynamic regime, we assume that the heavier elements are dragged along with the H+He and the composition of the material lost to evaporation is equal to the bulk envelope composition. The actual envelope composition, in particular the significant enrichment in heavy elements, is not considered in detail the evaporation model but it could affect the loss rate via modified heating and cooling rates, and a different mean molecular weight.
The plot also shows that the evaporation first occurs in the X-ray driven regime as found by Owen & Jackson (2012) , then in the EUV-driven radiation-recombination regime, and finally in the EUV-driven energy limited regime (e.g. MurrayClay et al. 2009 ). Most of the loss occurs during the first ∼ 100 Myrs after formation, when the stellar X-ray and EUV luminosity is high, and the planetary radii are large. Due to the dependency of the evaporation rate on the radius we find that the amount of material that is lost depends on the assumed opacity. For the "wet Saturn", for example, only 8% of the envelope is lost at solar opacity instead of the 15% found in our nominal model with [M/H]=1.4.
Despite the rather low mass loss at 0.04 AU, the "wet Saturn" is actually quite close to the threshold where catastrophic runaway evaporation occurs (Baraffe et al. 2004; Kurokawa & Kaltenegger 2013; Jin et al. 2014) : if this planet is evolved at 0.03 AU instead of 0.04 AU for otherwise nominal parameters, it undergoes a phase of runaway gas loss about 40 Myrs after the end of formation. In this phase, the envelope expands, and most of the gas is evaporated. The nature of the planet would then be completely different at 5 Gyr, showing the possibly strong impact of evaporation, and the necessity of it to be included as a chain link, at least for certain planet types. This vicinity of the planet to the catastrophic evaporation threshold is in good agreement with the findings of Kurokawa & Nakamoto (2014) .
In Table 5 we list the physical properties of the two planets at 5 Gyrs. They are used together with the elemental composition in the final chain link, where the atmospheric P−T structure, chemistry, and the resulting spectra are calculated.
Elemental abundances
The resulting elemental abundances for the "dry" and "wet" planet cases depend on the various assumptions on the composition of the accreted refractories, volatiles, and gas, described in Section 2.3. We visualize the elemental abundances in Figure 11 for a specific set of assumptions, using the r0.32_Csil_0.50_Cdef_v1_clath_gVol option, i.e., a refractory mass fraction of f r = 0.32 in the metals (rest ices), a carbon to silicate mass ratio of 1/2 with the default carbon depletion in the inner disk. The light red bars show the same abundance model with the difference that no carbon depletion is assumed for the inner disk. Furthermore we assume a solar nebula model for the disk volatile composition and consider the formation of clathrates outside the disk and that the volatiles are found in the gas inside the iceline.
The most important difference between all models is the carbon to oxygen ratio C/O which varies quite significantly for the different models. First, the "wet" planet which forms outside the iceline contains a high amount of oxygen, as the oxygen can be found in both the refractory and volatile material accreted in the planetesimals. It also contains a considerable amount of carbon, as carbon can also be found in both the refractories and volatile ices. Nonetheless, the refractory and volatile composition and their ratio in the planetesimals result in carbon to be less common than oxygen, leading to a C/O ratio of 0.77.
For the "dry Jupiter" the resulting C/O ratio 0.16, i.e. it is richer in oxygen relative to carbon than the "wet Saturn". This can easily be understood by the fact that the planet formed in the carbon depleted inner part of the disk, where the refractories contain very little carbon, but are rich in oxygen due to the high amount of silicates. The volatiles being accreted by the envelope in gaseous form are oxygen rich as well for all explored compositions (Table 1) . Here it should be noted that the carbon that has been removed from the solid phase has not been added to the gaseous phase, i.e. it is assumed that since the early phase of carbon combustion and subsequence planetesimal formation the gaseous disk has evolved viscously. However, even if this carbon were all locally retained in the gas phase to be partially accreted onto the planet later on, it would never lead to C/O ratios near unity for our planetary envelopes, as they are always heavily enriched and get most of their heavy elements from planetesimals (see Sect. 2.4 ).
Therefore, in the example case studied here, both planets forming in-and outside of the iceline have a small C/O ratio, with the "dry" planet being depleted in carbon relative to oxygen more strongly than the "wet" planet.
While the result that no carbon-rich "dry" and "wet" planets can form in our standard carbon depletion model is robust, the fact that the "wet" planet has a larger C/O ratio than the "dry" planet is specific to the example shown here. It critically depends on two assumptions for the example studied here: The maximum carbon-depletion factor is very low (we assumed 10 −4 ) and all non-water volatiles freeze out with the water as clathrates. If one runs calculations with different maximum carbon-depletion factors (10 −4 to 1, i.e. non-depleted, in steps of 1 dex), one sees that the statement that the "dry" planet has a lower C/O ratio than the "wet" one is not generally true; if the depletion factor is a factor ∼100 or less then the "dry" planets generally have more carbon than the equivalent "wet" cases, even if one assumes all volatiles to be in clathrates. If one considers cases without clathrate formation then the "wet" planets all fall in a narrow range with C/O=0.10-0.12. It is known that clathrate formation occurs and that a nonnegligible fraction of non-water volatiles freezes out with the water (Blake et al. 1992; Marboeuf et al. 2014b; LuspayKuti et al. 2016) . However, assuming this fraction is close to 1 is not necessarily realistic and was adopted only to test the most extreme case of clathration, knowing that the actual clathration fraction lies somewhere in between. Therefore, a better quantitative understanding of the carbon depletion and clathrate formation is clearly needed.
If we consider the "dry Jupiter" once more, but in the case without carbon depletion, we find a very different result, namely that the planet's C/O ratio would be 1.26, i.e., clearly bigger than one. In this case we would find that planets formed inside the iceline would have a C/O ratio > 1, while planets formed outside the iceline would have a C/O ratio < 1. As we will see in Section 3.8, this kind of dichotomy of the C/O ratio, related to the formation location, would be easily distinguishable in the planetary spectra. The reason for this is that the spectra of either oxygen-dominated (C/O < 1) or carbon-dominated (C/O > 1) atmospheres are very different in their appearance (Madhusudhan 2012; Mollière et al. 2015) .
C/O number ratios
In order to get a better overview over the global characteristics of our compositional models connected to the "dry" and "wet" formation scenarios we show a histogram of all resulting C/O ratios in Figure 12 . For the left panel of this plot we used the standard refractory model, i.e., a carbon to silicate ratio of 1:2 and assumed a carbon depletion in the inner disk, but varied all other chemistry options (the refractory to all metals fraction f r , the volatile model, the presence or ab- Wet Dry, w/ carbon depletion Dry, w/o carbon depletion Fig. 11 .-Logarithmic elemental number densities normalized by the hydrogen number density log 10 (N X /N H )+12. The number densities are shown for the "wet" planet (blue bars) and "dry" planet (dark red bars) for the r0.32_Csil0.50_Cdef_v1_clath_gVol case for the elemental abundances, meaning in particular that refractory carbon is depleted in the inner disk. The effect of turning off the Cdef switch, i.e., assuming that the planetesimals in the inner disk contain 0.5 refractory carbon in mass leads to the light red bars with a much higher carbon content. See the electronic edition of the Journal for a color version of this figure. sence of clathrates and of volatiles in the gas). Therefore, every count in the histogram stands for one of our compositional models applied to the "wet" and "dry" planet formation case. The histograms should not be confused with probability distributions for the C/O ratios for planets forming inside or outside the iceline, as we did not assign any prior probability to any of the compositional models. They merely give an graphical impression of the impact of different disk chemistry models on the resulting planetary C/O.
It is straightforward to see, however, that no planet with a C/O ratio bigger than 1 forms in both the "dry" and the "wet" case. Further, the "dry" case is even more enriched in oxygen with respect to carbon than the "wet" case. Note, however, that the absolute oxygen enrichment of the "wet Saturn" is still higher, as it is formed outside of the iceline and because it has a smaller total mass it is strongly enriched by water-rich planetesimals. The right panel of Fig. 12 shows the effect of varying also the C:silicates mass ratio (Sect. 2.3.1). We see that this does not change the conclusion that both planets have C/O<1. The histogram shows that the "dry" planet's C/O ratio is found to be <0.2, whereas the "wet" planet can have C/O values ranging typically between 0.1 and 0.5, depending on the assumed disk chemistry model. In some cases, "wet" planets with C/O>0.5 occur; this happens when we adopt the volatile composition v1 and assume all volatiles are trapped as clathrates. This is a rather extreme assumption but falls within the parameter space we explore. Most of explored possibilities, however, result in planets with a sub-solar C/O ratio < 0.5.
Consequently we conclude that in our standard assumption on the composition, in particular with the carbon depletion in the inner disk, hot Jupiters should be oxygen-rich. This follows directly from the fact that in our model the planetary envelopes obtain the majority of their heavy elements from planetesimals, which contain more oxygen than carbon.
In the non-carbon-depleted abundance model the highest value of the carbon-to-oxygen ratio in the refractory planetesimals occurs if the mass ratio of carbon to silicates is equal to 1. As we assume that the silicates are composed of MgSiO 3 this means that the maximum C/O ratio in the refractories is ∼ 2.7. Therefore, if one uses a minimum carbon depletion value of 10 −1 , instead of 10 −4 , there would still no carbonrich planets be formed.
3.4.1. Could there be a carbon sweet spot?
Regarding carbon depletion it is worthwhile to mention the following point. Considering the position of the iceline and the dependency of the carbon depletion with distance from the star (Fig. 2) , we see that there there is in principle a sweet spot for carbon-rich planet formation in our model: Outside of 5 AU our ad hoc carbon depletion model does not yet decrease the carbon, but this still lies inside of the water iceline used for the planetesimal formation, which is at 6.9 AU for the "dry" planet's disk. Taken at face value, planets forming in this semimajor axis range would therefore end up with high C/O as for the cases without carbon depletion.
It is clear that quantitatively, this finding is a direct consequence of the ad hoc way carbon is depleted. But it shows that it might not be impossible to form carbon rich planets even in disks with (partial) carbon depletion in their inner regions. Whether such regions exist, and over which orbital distance they extend will depend on the mechanism that destroys carbon in the inner disk like ion-induced erosion of solid carbon (Sabri et al. 2015) . In an alternative model of Lee et al. (2010) , hot atomic oxygen produced by photodissociation of O bearing species erode carbon grains and release the carbon into the gas in the upper layers of the disk. The efficiency of this process decreases with orbital distance, and finally drops outside of the iceline, as the oxygen is there locked on grain surfaces as water ice. Whether this quantitatively leads to significant C rich regions inside the ice line must be investigated with detailed disk chemistry models including chemical-kinetic pathways, ion irradiation and photochemistry, as purely thermodynamic condensation models are insufficient (Jura & Young 2014; Sabri et al. 2015) .
Such a carbon rich region inside of the iceline, but outside of a "tar" line is reminiscent of the one proposed by Lodders (2004) to explain the high C/O ratio in Jupiter. According to this paper, the carbon rich region would start at around 2.2 AU. This point illustrates the importance of a good understanding of the chemistry in protoplanetary disks (e.g., Henning & Semenov 2013) . Observationally, an extrasolar planetesimal with a carbon-rich and water-poor composition that is potentially compatible with a carbon sweet spot was found by Jura et al. (2015) . If such a region does indeed exist, and is sufficiently wide, it would be a good tracker of the planet's formation location.
In light of this, and as our carbon depletion model is largely based on observational evidence in the Solar System and white dwarf atmospheres, rather than a physically robust model, it is worthwhile to also study the opposite extreme for the inner disk, i.e., the case where all carbon in the refractories is retained. Adopting again the "standard" carbon to silicate mass ratio of 1:2, the resulting C/O ratios now yield a clear-cut behavior: the "wet" planet that formed completely outside the water iceline always ends up with an oxygen-rich envelope (nothing changed for it), whereas the "dry" planet which formed completely inside the water iceline now attains a carbon-rich envelope with C/O > 1. The reason is for this is that in the accreted planetesimals which eventually determine the atmospheric C/O, the refractory carbon outnumbers the oxygen atoms in the silicates. There is one exception to this: one "dry" model yields C/O=0.975 by number, this is the dry_r0.25_Csil0.50_v0_noclath_gVol model where the volatiles consist only of water and the rock/volatiles mass ratio is 1/3, the lowest explored value. In this model, the oxygen atoms accreted in the form of gaseous water just barely outnumber the C atoms accreted in the form of plan-etesimals, leading to C/O < 1. The corresponding histogram for this case can be seen in Figure 13a .
In the absence of carbon depletion in the inner disk, if we explore a larger range of carbon to silicate mass ratios, the resulting distributions show a more or less pronounced difference between the "wet" an "dry" case, i.e., a formation inor outside of the water iceline, as is illustrated in Figure 13b . The "wet" planet accretes an oxygen-rich envelope. For it, the highest C/O values are obtained with those chemical models with the highest assumed rock/volatiles mass ratio and the highest assumed carbon/silicates mass ratio in the refractories. They result in C/O number ratios of up to ≈ 0.9.
The C/O number ratio in the envelope of the "dry" planet directly reflects the assumed carbon to silicate mass ratio in the refractory material. Carbon-poor refractories (C:silicates = 1:5) yield oxygen-rich planets with C/O number ratios between ≈ 0.4 and ≈ 0.6; the nominal ratio of C:silicates = 1:2 yields C/O number ratios between ≈ 1.0 and ≈ 1.4; if we assume very carbon-rich refractory material (C:silicates = 1:1 by mass) we get high C/O number ratios between ≈ 1.7 and ≈ 2.8 for the explored range of assumptions.
Still without carbon depletion, but when adopting the refractory composition by Pollack et al. (1994) , a somewhat different picture emerges. In Figure 14a we show the resulting C/O number ratios for their standard refractory composition, where "CHON" material makes up 46% of the mass in refractories. Interestingly, both the "wet" and the "dry" planet always attain an oxygen-dominated envelope, though in the "dry" case the C/O number ratios are close to unity. If we vary the relative contribution of CHON material to the total refractory mass, the resulting C/O number ratios in the planetary envelope show a correspondingly larger spread, with carbon-rich atmospheres occurring when we adopt refractories that are very rich in CHON material (70% by mass), see Figure 14b .
In summary, for giant planets where the accreted planetesimals determine the atmospheric composition (not too high mass of less than ∼2-10M , mixing of interior and atmosphere), without carbon depletion a formation inside of the water iceline leads to a high C/O (between 0.4 and 2.8, with typical values around 1), while a formation outside of it leads to a low C/O<0.5, with typical values around 0.2. This would allow to make a direct link between atmospheric spectra and the formation location. However, for the nominal and likely case of carbon depletion, there is unfortunately no such clearcut distinction: both a formation inside and outside of the water iceline leads to a C/O<1.
C/O: Comparison with previous work
Several previous studies with a similar direction as the work here have predicted that under certain conditions, planets with high C/O could form. This is in contrast to the low C/O we find here for the nominal disk chemistry for both the "wet" and "dry" planet, raising questions about the generality of our result. These previous studies have shown that important ways to get high C/O in giant planets are (1) to form them farther out in the disk, in particular beyond the CO 2 snow line (Öberg et al. 2011; Madhusudhan et al. 2014) or (2) because of a preferential depletion of H 2 O vapor in comparison to CO vapor at smaller distances (Ali-Dib et al. 2014) . The crucial point is that both these mechanisms can only be important if there is very little "pollution" by planetesimal accretion, i.e., if the atmospheric composition is dominated by the composition of the accreted gas and not planetesimal-dominated. As discussed byÖberg et al. (2011), already small additions of planetesimals (about 1-2% in mass, corresponding to an enrichment level equal to the stellar one) are sufficient to get into the planetesimal-dominated regime. In view of the result outlined in Sect. 2.4 that several theoretical and observational findings indicate that planets with masses below ∼2-10 M have enrichment levels higher than the star, and thus are in the planetesimal-dominated regime, we conclude that these pathways towards high C/O are unlikely to apply for typical hot Jupiters because of their lower masses. The dominance of planetesimal enrichment for Jovian mass planets is further backed up by the study of Mousis et al. (2009b) who showed that for the Solar System giant planets the enrichment by planetesimals allows to fulfill several detailed constraints on both the atmospheric and interior composition.
The behavior that the enrichment by planetesimals is of paramount importance is clearly illustrated in the study of Thiabaud et al. (2015) . Thanks to their population synthesis approach they cover a wide range of planetary and disk properties. If they assume that only gas determines the atmospheric composition of giant planets, they find a wide spread of C/O covering sub-and supersolar values. If they assume on the contrary that planetesimals fully dissolve in the envelopes, all giant planets end up with a low subsolar C/O. We argue that only the latter case is relevant for most hot Jupiters because of their mass usually below 2-10 M . Their population-wide results furthermore mean that our results of water-dominated hot Jupiters should be of general validity and not be a consequence of our specific initial conditions.
Regarding the planetesimal enrichment, it is positive to see that our results are consistent with what all these previous studies have found, i.e., that substantial planetesimal accretion leads to O-rich envelope compositions. The exception to that is when the solids have themselves a carbon-rich composition. This is the case in our model if we assume for the solids inside of the water iceline a complete inheritance of the ISM-like carbon-rich composition (the non-nominal models without carbon depletion). This result in turn is in good agreement with Thiabaud et al. (2014) . Other studies have proposed that carbon-rich planets could form around stars that have themselves intrinsically C/O>1 (e.g., Carter-Bond et al. 2010; Madhusudhan et al. 2012) . In view of several recent observational and theoretical results that stars with such high C/O are probably very rare (Fortney 2012; Teske et al. 2014; Gaidos 2015) , also this pathway towards carbon-rich hot Jupiters now appears rather unlikely. This paucity is also the reason why we did not investigate planet formation around stars with intrinsically C/O>1. This gives further support to the generality of water-rich compositions of hot Jupiter with low C/O as found in our study.
3.5. Atmospheric structure and chemistry We use the atmospheric code PETIT to calculate selfconsistent structures and spectra for the "wet Saturn" and "dry Jupiter" whose abundances we showed in Figure 11 . In addition to the atomic abundances for H, He, C, N, O, Fe, Mg and Si, which result directly from our chemistry model, we considered also K, Fe, P, Al, Ca, Na, S, V, Ti, Ni and Cl. The abundances for these additional species were calculated by multiplying their relative solar abundance with respect to Si by the Si abundance obtained from our formation and compositional model.
For the planetary parameters of the "wet Saturn" and "dry Jupiter" we used the values given in Table 5 assumed to be a sun-like main sequence star with T * = 5777 K and a radius of 1 R . For the planet these parameters result in an effective day-side averaged temperature of 1656 K.
PETIT code results
For the insolation of the atmosphere we used PHOENIX spectra as described in . We then calculated the self-consistent structure of the planet's atmosphere using the "dry" and "wet" abundances which we obtained for the r0.32_Csil0.50_Cdef_v1_clath_gVol model. We also calculated the structure of the "dry" case with carbon depletion turned off as a third option. For the calculation we divided the atmosphere in 150 layers spaced equidistantly in log-space between 10 −14 and 10 5 bar The corresponding PT -structures and molecular and atomic abundances for all 3 models can be seen in Figure 15 . We plot the molecular abundances for CH 4 , H 2 O, CO 2 , CO, MgSiO 3 and SiC.
For the "wet" case one clearly sees that the planet is oxygen-rich, with H 2 O being the most abundant molecule in terms of its impact on the spectrum.
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The condensation of MgSiO 3 decreases the abundance of H 2 O above the 10 2 bar altitude. As the "wet" planet is depleted in carbon with respect to oxygen, methane is much less common in the planet's atmosphere and will not leave a spectral imprint (see Section 3.6). For C/O < 1 the carbon is preferentially put into CO, at least at the high temperatures considered here. Additionally there is quite a lot of CO 2 formed in the "wet" atmosphere, which is first and foremost a consequence of the planet's high metallicity, rather than its C/O ratio (see, e.g. Moses et al. 2013 ).
In the standard "dry" case (i.e., with carbon depletion) we see again that water is the most common molecule in terms of the spectral impact. CO is much less common than in the "wet" case because there is much less carbon present in this planet, almost all of which was accreted in the form of volatile gases inside the iceline. Due to the planet's lower enrichment (in comparison to the "wet" planet), CO 2 is much less abun-7 CO is more abundant, and has some visible spectral features, but in its entirety its impact on the general shape of the SED is small when compared to water. dant than in the "wet" case. Water becomes depleted above the 10 −1 bar altitude due to the condensation of MgSiO 3 , decreasing the atmospheres ability to cool somewhat, but not significantly enough to produce an isothermal layer or even an inversion in the planet's atmosphere.
In the "dry" case without carbon depletion the most common molecule for the spectral signature is CH 4 , as it should be expected for a carbon-rich atmosphere. At ∼20 bar the condensation of MgSiO 3 increases the CH 4 abundance somewhat, as MgSiO 3 takes away oxygen which can then not be stored in CO anymore. Above the ∼20 bar altitude SiC condenses, decreasing the CH 4 abundance significantly, thereby decreasing the atmosphere's ability to cool away absorbed stellar radiation. This leads to an approximately isothermal region between the 10 −1 and 10 −2 bar altitude. The CO 2 abundance is very low, as this planet has a C/O > 1.
3.6. Emission spectra 3.6.1. PETIT code results
The emission spectra for the planets studied in Section 3.5.1 can be seen in Figure 16 . As expected the nominal "wet" planet and "dry" planet with carbon depletion show clear water signatures in their spectra, while the non-nominal "dry" planet without carbon depletion shows signatures of methane absorption and makes it evident that in a disk without carbon depletion a distinction between the formation inside and outside the would be possible. However, due to the approximately isothermal region found in this planet's atmosphere the overall appearance of this atmosphere is closer to a blackbody spectrum than the two nominal cases. If this planet would be even hotter, then SiC condensation would not occur, which would lead to even clearer methane absorption features.
For the nominal chemistry model with carbon depletion, both planets forming either in or outside the water iceline are, as seen earlier, poor in carbon with respect to oxygen, and thus the spectra of both planets are dominated by water features, and therefore similar. There are, however, also differences: as the "dry" planet contains less water than the "wet" one, the water absorption troughs between ∼ 1 -10 µm are less deep when compared to the "wet" case. The reason for this is that the "dry" case has in total less water than the "wet" case, and the lower enrichment causes the planetary photosphere to sit a larger pressures, where the absorption minima are more strongly affected by pressure broadening of line wings (see, e.g., Mollière et al. 2015) .
One spectral signature which looks as if it might enable to discriminate between the "dry" and the "wet" planet, i.e., a formation inside or outside the water iceline, is the CO 2 feature at 4.3 µm. CO 2 is a molecule which is abundant in atmospheres with C/O 1, i.e., it is formed in atmospheres which are oxygen-rich when compared to the carbon abundance. The "dry" planet is very oxygen-rich. On the other hand it is so carbon-poor that one may think that this hampers the formation of CO 2 , even though the planet has C/O 1. Consequently there is no CO 2 feature present in the spectrum of the "dry" planet. However, as said in Section 3.5.1, the CO 2 abundance is rather connected to the total enrichment, and not so much the C/O ratio. This can also be seen in Figure 12 in Mollière et al. (2015) , where there is a weakening of the CO 2 feature and abundance associated with a decreasing metallicity in the atmospheres. The "dry" planet is less strongly enriched when compared to the "wet" planet. Testing this further we found that the CO 2 feature vanished when we decreased all metal abundances of the "wet" planet by a factor 10, leaving the relative atomic abundances constant. An increase of the "dry" planet to a C/O = 0.5 (where we increased the carbon fraction) did not generate a CO 2 feature in the atmosphere's spectrum. And a decrease of the "wet" planet's carbon abundance to a C/O ratio of 0.15 did not significantly weaken the CO 2 . Therefore this feature is not well suited to discriminate between the two formation locations (in-or outside the iceline).
We note that while we consistently find that C/O<1 with carbon depletion, there is a substantial range of possible C/O values, depending on the disk chemistry model. The "dry" planet typically has C/O<0.2, while for the "wet" planet values range between 0.1 and 0.5. For this range, the efficiency of inclusion of carbon-bearing volatiles as clathrates in water ice is the most critical parameter. If no clathrates are included all, the resulting C/O value for the "wet" planet is close to 0.1 for all explored chemistry models. Such differences in the C/O value may be constrained using retrieval methods on, e.g., JWST observations (see Greene et al. 2016) : the main carbon-and oxygen-carrying molecular species water and CO can be retrieved with a high SNR. However, as shown in Section 3.3, without a detailed quantitative understanding of the carbon depletion in the refractory material and other processes such as clathrate formation, directly linking an observed C/O ratio to a specific formation scenario or location is not yet possible.
3.7. Transmission spectra 3.7.1. PETIT code results
The transmission spectra obtained for the three planets studied in emission in Section 3.6.1 can be seen in the right panel of Figure 16 . The clear dichotomy between oxygendominated and carbon-dominated planets persists, with the "wet" and the carbon-deficient "dry" planet showing strong water features and the "dry" planet without carbon deficiency being dominated by methane absorption. The strong CO 2 feature seen in the "wet" planet's emission also leads to an increased planetary radius in the transmission spectrum at ∼4.2 µm. In total, as the "wet" planet is less massive than the "dry" planets its contrast between transmission maxima and minima is larger than when compared to the carbon-deficient "dry" planet. The "dry" planet without carbon deficiency has in general a smaller radius than the carbon-deficient "dry" planet because it's methane is decreased in the higher atmospheric layers by the condensation of SiC which reduces the atmospheric opacity in these layers. This allows for the emergence of relatively strong CO features in the transmission spectrum of this planet, as the relative importance of CO increases.
The distinction between the "dry" and "wet" planet in the carbon depleted scenario based on the "dry" planet's lower C/O ratio as compared to the "wet" planet for the specific chemistry model shown here may be possible from the transmission spectra. Note, however, that the presence of clouds could potentially inhibit the retrieval of the C/O ratio based on the water and CO abundances (Greene et al. 2016) . The reason for this is the clouds' higher optical depth when probed under transit geometry which obscure the molecular features (Fortney 2005) . Further the aforementioned need for a better quantitative understanding of the relevant disk chemistry processes persists.
Simulated observations
In Figure 17 we show simulated observations of secondary eclipse events of the systems as described in Section 3.6, which are placed at a distance of 55.6 pc, yielding an apparent stellar brightness of K = 7.0 mag. We simulate eclipse observations with the JWST using the EclipseSim package . We observe the system during 1 eclipse in each using the NIRISS (Doyon et al. 2012) , NIRSPEC (Ferruit et al. 2012) , and MIRI instruments (Wright et al. 2010) . The length of each observation is taken to be the full eclipse duration T 14 bracketed by a "baseline" of length T 23 before as well as after the eclipse 8 , yielding a total time of 8 h per observation. Since the system can only be observed by one instrument at a time, observations of 3 separate eclipses are required to obtain the complete spectral coverage as shown in Figure 17 , which requires approximately 24h of observing time.
The planets considered here are favorable targets for eclipse spectroscopy observations and could be observed with substantially smaller telescopes. In Figure 18 we illustrate what the planet spectra would look like if we observe a similar system with ARIEL. This is a space telescope dedicated to exoplanet eclipse spectroscopy with an effective diameter of 0.9m that is a candidate mission for the M4 slot in ESA's cosmic vision program. The planets are now placed around a star of the same apparent brightness as in the previous example (K = 7.0 mag), but with an early K spectral type and a distance of 37 pc. To keep also the equilibrium temperature identical the orbital separation is reduced to 0.021 AU. Due to the somewhat redder spectrum of the stellar irradiation compared to the G2-type host star, the resulting p − T structures are somewhat closer to isothermal and the contrast of the molecular absorption features in the dayside emission spectra is slightly lower.
We observe the system during 5 eclipses, which yields the same total observing time of ≈ 25h, and average the mea- H 2 O CO 2 CH 4 CO K Na PH 3 Fig. 18 .-Simulated observations of the dayside emission spectra (secondary eclipse) and day-night terminator transmission spectra of selected models, as observed with the proposed mission ARIEL for a system with a K2-type host star and an apparent brightness of K = 8.0 mag, where we have averaged over 5 eclipses. See the electronic edition of the Journal for a color version of this figure. surements to build up SNR. The resulting spectra are of very similar quality to those obtained with the JWST for the system with a solar-type host star, and the wavelengths of the strongest molecular features are covered.
SUMMARY AND CONCLUSIONS
In this work we present a "chain" of models linking directly the formation of a planet to its spectrum. The spectrum of a planet represents a window into its composition. This composition depends on the planet's formation history, its subsequent evolution, and the present-day irradiation. This opens the possibility to use spectra of extrasolar planets as a novel way to better understand planetary formation. However, due to the multitude of physical processes affecting the outcome, the link between formation and spectrum is complex.
To make it tractable, we construct a chain of simple but linked models where the output of one model serves selfconsistently as the input for the next one. Our chain consists of five chain links: (1) a core accretion formation model that describes the accretion history of a giant planet, its interaction with the disk, the evolution of the disk, and the internal structure of the forming planet. It follows in particular which materials are accreted at what time and location in the disk, and whether the accreted refractory and icy material is added to the solid core or gets mixed into the gaseous H/He envelope. This is achieved by simulating explicitly the planetesimal impacts into the protoplanetary envelope, a new aspect relative to previous similar studies. This yields the bulk composition of the planetary envelope as inherited from the formation process. (2) In the second chain link, we use a planet evolution model to calculate the thermodynamic evolution of the planetary structure including cooling, contraction, and atmospheric evaporation. This yields the planet's mass, luminosity, and radius at an age of 5 Gyrs. (3) In the third link we assign a range of elemental compositions to the refractory, icy, and gaseous components that result from the formation model. We use a large number of models for the disk chemistry to obtain the associated elemental composition of the planet's atmosphere, assuming that the bulk elemental composition of the envelope is representative for the atmospheric composition. We explore various assumption on the composition of the gaseous, refractory, and volatile material that represent extremes of the plausible parameter space.
(4) Using a fully-non gray radiative-convective model of the atmosphere and given the planet's physical properties and elemental composition, we calculate in the fourth chain link the atmospheric p-T structure and molecular composition yielding also the planet's emission and transmission spectrum. (5) In the fifth chain link, we simulate spectroscopic observations of the planet's eclipse and transit with JWST and ARIEL. We apply this chain of models to two hot Jupiters with very different formation histories to investigate whether this leads to visible spectral imprints: (1) a "dry" planet that formed completely in the warm inner disk inside of the water iceline, and (2) a "wet" planet that formed completely in the colder outer disk, outside of the water iceline. Because we find that the enrichment of hot Jupiters is dominated by planetesimal accretion, these two planet formation pathways represent two extremes of the possible scenarios, intermediate cases could occur when a planet crosses the iceline during its formation. The first planet becomes a hot Jupiter by disk migration. We assume that also the second planet is moved close to the central star, but this time due to dynamical interactions (Kozai migration or planet-planet scattering), without accreting "dry" material in the inner disk. This leads to the following main results:
(1) Planetesimals play a dominant role for the planetary atmospheric composition of hot Jupiters. An important difference between our model and some previous efforts to predict the planetary composition from the parent disk properties (e.g., Öberg et al. 2011; Helling et al. 2014; Ali-Dib et al. 2014) is that in our model the planetesimals, for which we explicitly calculate their atmospheric dissolution, form the prime source of heavy elements in the planetary envelope. They are dominant over the heavy elements accreted with the gas, at least for the giant planets of lower mass that we study here (Saturnian to Jovian mass), in agreement with Mousis et al. (2009b) . Core accretion models predict that the planetary enrichment due to planetesimal accretion is a decreasing function of planet mass , in good agreement with observations of the interior and atmospheric enrichment of Solar System and extrasolar giant planets with an equilibrium temperature of less than ∼1000 K (Miller & Fortney 2011; Kreidberg et al. 2014; Guillot & Gautier 2014; Thorngren et al. 2015) . Thus, there should be a transition from a planetesimal-dominated composition for lower mass planets like the ones considered here to a composition that is dominated by the composition of the accreted gas at large masses (above 2-10 Jovian masses, as estimated in Sect. 2.4). Since the large majority of known transiting hot Jupiters have lower masses than these values, planetesimal-dominated compositions should likely apply to most hot Jupiters. More massive planets like those detected by direct imaging may in contrast have different, gas-dominated abundances.
In this work, the bulk elemental composition of the envelope is taken to be representative for the atmosphere of the mature planet. This is valid only if the envelope remains well mixed during the formation phase where most heavy elements are accreted earlier than most gas (Figure 4 and 5) leading potentially to compositional gradients in the interior, as well as during the subsequent evolution. As in most planet formation and evolution models, a fully convective interior is a fundamental assumption in our model, but we note that the compositional gradients (Fig. 6 ) may halt large scale convective mixing (Leconte & Chabrier 2012) . If the envelope does not remain well mixed during formation, then the final atmospheric composition will depend primarily on the heavy element abundances in the gas acquired during gas runaway accretion, rather than on material supplied by planetesimals during the early formation phase (Thiabaud et al. 2015) . A similar situation arises regarding the compositional mixing across the deep radiative zone that develops during a hot Jupiter's evolution. This could also decouple the observable atmospheric composition from the bulk composition. Simple estimates indicate (Sect. 2.2.2) that the latter effect should not be important, but the detailed mixing processes in the envelope during runaway gas accretion remain to be investigated, as well as the long-term evolution of the relation between the bulk interior and atmospheric composition.
(2) Hot Jupiters are most likely oxygen-rich, i.e., have C/O<1, except for non-standard disk chemistries that have no depletion of refractory carbon in the inner disk. Our result for the planetary C/O depends critically on the assumptions made for the refractory composition in the inner disk. We adopt a composition that is inherited from the ISM (Gaidos 2015) , in contrast to the approach often used that initially all material is hot and gaseous, and that solids are formed along the condensation sequence as the disk cools. The actual disk composition could lie between these extremes and will most likely resemble one or the other depending on location in the disk and evolutionary stage (Pontoppidan et al. 2014) . We allow the disk chemistry to alter the ISM refractory composition only in a single, however crucial, pathway: namely that carbon grains initially present in the ISM material can be destroyed in the inner parts of the disk by oxidizing reactions at the carbon grain-gas interface (Gail 2001; Lee et al. 2010) . This is based on the observation that the inner part of the Solar System is very carbon poor (Wasson & Kallemeyn 1988; Allègre et al. 2001; Bergin et al. 2015) , and that freshly polluted white dwarf atmospheres are also carbon poor (Farihi et al. 2013; Wilson et al. 2016 ) which points towards a generality of carbon depletion.
Then, the result is that all hot Jupiters are oxygen-rich (i.e. C/O <1): as their composition is planetesimal dominated, a planet forming inside of the water iceline is oxygen-rich because silicates from the dissolved rocky planetesimals add high amounts of oxygen atoms to the planet's envelope. Some carbon is accreted in the form of C-depleted planetesimals and as CO and CH 4 gas, but the amount is small compared to the oxygen that is accreted in the form of planetesimals. A planet forming outside of the water iceline is also oxygen rich. Its envelope gets enriched via the planetesimals by refractory and volatile material that contains both oxygen and carbon, but due to the oxygen-dominated composition of these building blocks containing water ice, they also end up with a C/O<1. Thus, both the "dry" planet formed inside of the water iceline and the "wet" one formed outside of it are dominated by oxygen, and with our assumed inner disk carbon depletion profile (Fig. 2) the "dry" planets sometimes have an even lower C/O than the "wet" ones. For the former, we find C/O<0.2, for the latter, C/O<0.9 with most values clustering around 0.1-0.3. Only in disk chemistry models without carbon depletion in the inner disk (i.e., an ISM-like composition) we robustly find that planets forming inside of the water iceline can have a C/O>1: in the accreted planetesimals, the refractory carbon now dominates over the oxygen in the silicates, leading to planetary C/O ratios of ∼1.2 for an approximately ISM refractory composition with a 2:1 mass ratio of silicates:carbon, and correspondingly higher or lower values (between 0.5 and 2.5) for different assumption of this ratio. However, as outlined above, disks without carbon depletion in the inner regions appear unlikely, rendering the formation of carbon-rich hot Jupiters via this channel unlikely.
In our model, we include a planet's enrichment by both planetesimal impacts, and by the heavy elements that are accreted in gaseous form together with the H/He gas. Our finding that a planetesimal-dominated enrichment (usally) leads to O-rich compositions is in good agreement with earlier works that merely assumed planetesimal domination to be the case. The new aspect that is added by our study is that we explicitly calculate the planetesimal dissolution and then directly find that planetesimal enrichment is really the dominant enrichment pathway for hot Jupiters, at least within the fundamental assumptions of our model. The fundamental reason for this is that already relatively modest planetesimal contributions are sufficient to move from the gas to the planetesimal-dominated regime. This probably planetesimaldominated nature of the enrichment of most hot Jupiters furthermore means that other mechanisms that were proposed to lead to high C/O in previous studies (Öberg et al. 2011; Helling et al. 2014; Ali-Dib et al. 2014 ) appear unlikely for most hot Jupiters. The reason is that they rely on the accretion of gas of different C/O ratios such that they only apply to gas-dominated enrichments. They may be applicable to planets more massive than 2-10 M .
We neglect the effect of a moving iceline which could condense ice on grains and planetesimals otherwise consisting of refractories. If all condensible volatiles are trapped in solids outside of the initial iceline position and the inner disk is cleared from volatiles due to the diffusive disk evolution (see, e.g., Ali-Dib et al. 2014) , this might be a viable assumption. If we would allow for ice condensation on grains, and therefore planetesimals, inside the initial iceline at later times our main result would not be changed: The planets stay oxygen-rich, as water ice only adds more oxygen.
Regarding the impact of model parameters and settings, the carbon depletion model has the biggest impact on the possible outcome of the "dry" planet's C/O ratios. We found that introducing a partially ad hoc model of the actual carbon depletion function is sufficient, as already relatively modest carbon reduction factors (10 −1 instead of the nominal 10 −4 ) do not change the result that carbon-rich hot Jupiters cannot form under carbon-depleted conditions. For the "wet" planet the clathrate formation can have a non-negligible impact on the C/O ratio if a significant amount of carbon-bearing volatiles is trapped in the water ice planetesimals (this requires a volatile abundance model with a non-negligible carbon-fraction). Under no circumstances do we find "wet" planets with C/O ratios bigger than 1, however. In the "dry" cases without carbon depletion, the silicate-to-carbon mass ratio has the biggest influence on the planetary C/O ratio, leading to C/O values of ∼ 2.8 for the maximum value considered in the paper (C/Silicate mass ratio = 1).
(3) Constraining a hot Jupiter's formation location and migration mechanism based on the spectral imprint of a C/O higher or lower than 1 alone appears difficult because hot Jupiters are expected to be oxygen-rich for a formation both inside and outside of the water iceline, at least for our nominal disk chemistries. The "dry" and the "wet" planets have oxygen-rich envelopes such that their atmospheres both show strong water features and are dominated by oxygen-rich chemistry. For the example shown in sections 3.6 and 3.7 the "dry" planet has a much lower C/O ratio than the "wet" planet and it has been shown that both the water and the CO abundance may be retrieved with high SNR in hot Jupiter emission spectra, and thus the C/O ratio (Greene et al. 2016 ). Therefore a distinction of the formation location may be possible for this specific disk chemistry. However, in Section 3.3 we show that depending on the details of the carbon depletion and clathrate formation model other scenarios may arise where the "dry" and "wet" planet have overlapping C/O<1 ratios, usually < 0.3. Thus an important step to improve the link between planet formation and spectra would be a detailed and quantitative treatment of the carbon depletion and clathrate formation chemistry in exoplanet disks.
Nonetheless, we find some secondary features distinguishing the two classes: Planets forming outside of the water iceline are at a fixed total mass more enriched in C and O relative to H/He because of the larger reservoir of planetesimals in the outer disk. This can result in a higher CO 2 abundance. Next, planets forming outside of the water iceline are more strongly enriched in C and O relative to Si and Mg because of the accretion of icy planetesimals (Fig. 11) . This is generally true for O; for C it is true only if efficient trapping of C-rich ices as clathrates occurs. In the case where carbon depletion is neglected in the inner parts of the disk, albeit favored by neither observation nor theory, carbon-rich planets can form. A complete inheritance of carbon-rich ISM-like grains into the solid building blocks of hot Jupiters forming inside of the water iceline thus represents a planetesimal-driven, but probably unlikely pathway towards high C/O>1. A related formation path to C-rich planets was suggested for solid planets (Gaidos 2000; Carter-Bond et al. 2010 ) around stars which have intrinsically themselves a C/O>1. However, such carbon-rich stars are probably very rare (e.g., Fortney 2012; Gaidos 2015) . In this case there is a clear dichotomy between planets having accreted exclusively inside or outside the iceline, leading to C/O-ratios > 1 or < 1, respectively. Carbon-rich (C/O > 1), "dry" hot Jupiters would be dominated by methane ab-sorption, rather than water, leading to a distinctively different spectrum when compared to the water-rich, "wet" planet.
It is interesting to link these findings to predictions by formation models. Giant planet formation models based on the core accretion paradigm predict that around low-metallicity stars, giant planets form only outside of the water iceline, while around high-metallicity stars, giant planets can form both outside and entirely inside of the water iceline (Fig. 5 in Ida & Lin 2004b ; Fig. 8 in Mordasini et al. 2012a ). The reason is that around high metallicity stars, the amount of refractories alone is high enough to form a critical core of ∼10 M ⊕ triggering runaway gas accretion, while at low [Fe/H] , the extra mass provided by the condensation of ice is needed to form such a massive core. Here it is implicitly assumed that the stars have a scaled solar composition. This leads to two predictions: (1) that around low [Fe/H] stars, hot Jupiters with the signs of having accreted only inside of the iceline should be rare, while around high [Fe/H] stars, hot Jupiters with the signs of an accretion inside as well as outside of the iceline are predicted. (2) for stars where tidal interactions have not damped high obliquities, hot Jupiters that show signs of an accretion only beyond the iceline should have a wide range of obliquities including high ones, at least if a high obliquity is a sign of a dynamical interaction, and if this interaction does not lead to the accretion of solids originating from inside of the water iceline, contrarily to disk migration.
Using our chain of models we were able to predict the planets' spectra based on their formation history. The most striking of our results described above is that the formation of carbon-rich hot Jupiters with C/O > 1 is unlikely. This result is in good agreement with observations, because the hot Jupiters recently characterized appear to be oxygen-rich (Line et al. 2014; Benneke 2015; Sing et al. 2016) . Line et al. (2014) do not find any conclusive evidence for super-solar C/O ratios. The study by Benneke (2015) allows for super-solar C/O ratios, while robustly excluding cases with C/O>1. The latter is due to the fact that a water detection in HST WCF3 firmly rules out a carbon-rich chemistry for the considered hot Jupiters. Sing et al. (2016) further show that the low water abundance in some hot Jupiters is due to the presence of clouds and hazes, and not to a water depletion during formation. Such a primordial depletion would be in contradiction to our results. Tentative evidence for planets with carbon-rich atmospheres exists for types of planets other than hot Jupiters like HR8799b (Lee et al. 2013) or 55 Canc e (Tsiaras et al. 2016 ). In our paper we also discuss the possibility of a carbon sweet spot in the disk which lies outside of the region of carbon depletion, but still inside of the iceline (Lodders 2004) . Planets which would form exclusively within this region could attain carbon-rich envelopes and atmospheres. If such planets end up close to their stars they should be easily distinguishable due to their methane-dominated spectra. While the exact location and processes which give rise to this carbon sweet spot are specific to our model assumptions, the existence and formation of carbon-rich planets is therefore not downright refutable, but should be the exception, rather than the rule. At least under the assumptions made in this work, the majority of hot Jupiters should be oxygen-rich.
planet's capture radius for planetesimals. It is larger than the core radius due to the braking effect of the gaseous envelope and calculated with the planetesimal-protoplanet interaction model mentioned in Section 2.1.3 and Appendix A.1.3.
The accretion rate of gas is found by solving a slightly simplified set of internal structure equations of the planet's 1D radial structure in the quasi-hydrostatic approximation. The internal structure of the gaseous envelope is described by the equations of mass conservation, hydrostatic equilibrium, energy transfer, and energy conservation. The latter equation is simplified by assuming a radially constant luminosity. The temporal evolution of the total luminosity is found by energy conservation arguments as described in Mordasini et al. (2012c) . One then has (e.g. Bodenheimer & Pollack 1986 ):
∂T ∂r = T P ∂P ∂r ∇(T, P).
In these equations, G is the gravitational constant, r the distance from the planet's center, P, T, ρ the pressure, temperature, and density of the gas, m the mass within r, and the gradient ∇(T, P) can either be the radiative gradient in the diffusion approximation, or the adiabatic gradient in convective layers as determined by the Schwarzschild criterion. Effects of a compositional gradient that could suppress convection are therefore currently neglected, but could be important, as discussed in Section 2.2.1. For the radiative gradient, the grain opacity is assumed to be reduced by a factor 0.003 relative to the ISM grain opacity . The boundary conditions that are necessary to solve the internal structure equations differ depending on whether the planet is in the attached phase at low core masses or in the detached phase during runaway gas accretion (Bodenheimer et al. 2000; Mordasini et al. 2012c ). In the former phase, the outer radius is proportional to the Hill sphere radius. In the latter, the planet's radius is much smaller than the Hill sphere radius. In this phase, the gas accretion rate is limited by the availability of gas in the disk, and there is a gas accretion shock on the surface of the planet. We assume that the accretion shock is supercritical, so that the kinetic energy of infalling material is effectively radiated away and cold accretion occurs (Marley et al. 2007; Mordasini 2013) . This leads to low luminosities and radii at young ages, but this is not important for the planet's properties at an age of several Gyrs in which we are interested in this work. A certain influence exists since the envelope evaporation rate (Section 2.2.3) depends on the planet's radius. But for the Jovian and Saturnian mass planets studied in this work, the impact of cold vs. hot accretion is in any case not very large, in contrast to more massive giant planets.
A.1.3. Envelope-planetesimal interaction
The impact model (Mordasini et al. 2006 ) determines the radial mass deposition profile by numerically integrating the trajectory of a planetesimal of initial mass M pl during its flight through the protoplanetary envelope under the actions of gravity, gas drag, thermal ablation, and aerodynamical disruption. The first governing equation is the equation of motion for the planetesimal's position r in the planetocentric reference frame (C D is the drag coefficient taken from Henderson (1976) , R pl the planetesimal radius, m the protoplanet's mass inside of r, and ρ the local gas density in the envelope)
The initial velocity is taken from Pollack et al. (1996) and a central impact geometry is considered. The specific value of the initial velocity is not important for the outcome of the infalling as long as it is smaller than the core's (in the attache phase) respectively planet's (in the detached phase) escape velocity. This is the case in the runaway and oligarchic planetesimal accretion regime occurring during the protoplanet's growth in the nebula (Ida & Makino 1993) . The second governing equation models the thermal ablation (mass loss rate) which is powered in the most important regime by shock wave radiation due to the planetesimal's hypersonic flight (e.g. Zahnle 1992 )
where C H is a heat transfer coefficient (Svetsov et al. 1995) and Q abl the heat of ablation (Opik 1958) . The post-shock temperature T shock is found by solving numerically the normal shock wave jump conditions (Landau & Lifshitz 1987; Chevalier & Sarazin 1994) for a non-ideal gas using the EOS SCvH. The third equation describes the aerodynamical disruption. Big impactors get aerodynamically disrupted when the aerodynamic load exceeds the tensile strength, leading to a lateral spreading of the impactor and a rapid destruction. The rate of lateral expansion of the fluidized impactor can be described with the "pancake" equation (Zahnle 1992; Chyba et al. 1993) :
where ρ pl is the material density of the planetesimal. Planetesimals accreted in-and outside of the water iceline are assumed to consist of silicate rocks and water ice, respectively. The values of the main material parameters (Opik 1958; Podolak et al. 1988; Chyba et al. 1993; Svetsov et al. 1995) are listed in Table A1 . Further descriptions of the impact model can be found in Fortney et al. (2013) ; Mordasini et al. (2015) while a discussion of the effect of the impact geometry and the planetesimal's material properties on the mass deposition profile can be found in 
A.1.4. Disk migration
At low masses, planets within a gaseous disk undergo type I disk migration (Tanaka et al. 2002) . The migration rate da/dt of a planet at a semi-major axis a under the action of a total torque Γ tot we use in our model is
where J = M √ GM a is the angular momentum of a planet of mass M. The total torque Γ tot can be expressed as (Paardekooper et al. 2010 )
In this equation, q = M/M is the planet-to-star mass ration, γ the adiabatic index of the gas, Σ the gas surface density at the planet's location, h the disk's aspect ratio, and p Σ and p T the local power-law slopes of the gas surface density and temperature profile in the disk. These quantities are given by the disk model described in Section 2.1.1. The parameters C 0,1,2 depend on the local thermodynamical regime in the disk which lead to several sub-regimes of type I migration (isothermal, adiabatic, saturated) . Note that these parameters were recently significantly revised (Baruteau et al. 2014) . In contrast to the original work of Tanaka et al. (2002) for isothermal disks, the actual direction of migration for more realistic disk thermodynamics can now also be directed outwards. A detailed description of the (non-isothermal) migration model used in this work is given in Dittkrist et al. (2014) . Once a planet becomes sufficiently massive to open up a gap in the gaseous disk (of order 100 M ⊕ ), it passes into type II migration. We use the transition criterion of Crida et al. (2006) to determine a planet's migration regime. In the type II regime, the accretion rate can be written as (Alexander & Armitage 2009) 
where v r,gas is the local radial velocity of the gas.
A.2. Evolution
A.2.1. Envelope evaporation
In our evolutionary model (see Jin et al. 2014) , the envelope evaporation rate due to EUV irradiation is modeled at high EUV fluxes with a radiation-recombination limited rate (Murray-Clay et al. 2009 
where ρ s and c s are the density and sound speed at the sonic point which is located at a radius r s . At lower EUV fluxes F UV , the evaporation rate is energy-limited (Watson et al. 1981) :
where M is the planetary mass, UV the efficiency factor, R UV the radius where EUV radiation is absorbed, while the K tide factor (Erkaev et al. 2007 ) takes into account that gas only needs to reach the Hill sphere for escape. The mass loss rate in the X-ray driven regime can be estimated with an analogous equation as in the energy limited UV regime (Owen & Jackson 2012) .
B. PLANETARY ENRICHMENT IN HEAVY ELEMENTS
In this appendix we describe the numerical data used to prepare Fig. 3 which shows the enrichment of planets relative to the host star e Z,rel , and the parity mass M 1 where this quantity becomes unity. For gas and ice giant planets, the enrichment of both the planetary interior and atmosphere relative to the host star can (with the current data) be approximated as a powerlaw of the form )
We have determined the parameters α and β for different theoretical and observational data sets by least square fits or by using the published values. Table B1 lists the values of α and β found for the following seven data sets: (1) the observed atmospheric enrichment relative to the sun in carbon based on the CH 4 abundance in the four giant planets of the Solar System as given in Guillot & Gautier (2014) . (2) the observed mean atmospheric enrichment relative to the sun taking into account all measured heavy elements as quoted in Guillot & Gautier (2014) . (3) the fit to the atmospheric enrichment relative to the star as a function of mass taking into account the Solar System giants and WASP-43b (Fig. 4 of Kreidberg et al. 2014) . Because of condensation and chemical disequilibrium, several of these values may only be lower limits to the bulk abundance (Guillot & Gautier 2014) . (4) the Z Pl /Z found from the heavy element masses M Z in the interiors of the Solar System giant planets estimated from internal structure models for Jupiter and Saturn by for different EOS and for Uranus and Neptune by Nettelmann et al. (2013) . (5) the Z Pl /Z * based on the M Z derived from interior structure models of weakly irradiated transiting extrasolar giant planets (Miller & Fortney 2011) . (6) the α and β given by Thorngren et al. (2015) also obtained from interior structure models of weakly irradiated transiting exoplanets with an equilibrium temperature of less than ∼1000 K. (7) the α and β found for the bulk enrichment of the synthetic planets around 1 M stars in the nominal population of Mordasini et al. (2014) .
The parameters α and β and their 1 σ errors can then be used to identify (by extrapolation) a parity mass M 1 where e Z,rel =1, given as M 1 /M = β −1/α . These masses are also listed in Table B1 . Planets below this mass have a composition increasingly dominated by the accretion of solids, while planets with a mass higher than M 1 have a composition that may be dominated by the composition of the accreted gas.
